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Preface

These notes attempt to explain how telescopes work the way Feyn-
man might have approached it: starting with puzzles, building phys-
ical intuition, and letting the mathematics emerge from the physics
rather than the other way around.

The central puzzle is this: why can we see so much more with
telescopes than with our eyes? The naive answer—*“they magnify
things”—turns out to be mostly wrong. The real answer involves
the wave nature of light, the turbulence of Earth’s atmosphere, and a
four-century technological struggle to build larger and more perfect
optical surfaces.

We begin with a simple question: why can’t we just look harder?
From there we trace the story of how humans learned to gather light
and focus it, the fundamental limits imposed by physics and atmo-
sphere, and the ingenious tricks astronomers have developed to push
beyond those limits. Along the way, we’ll meet Galileo’s crude refrac-
tor, Newton's elegant reflector, and the giant segmented mirrors of
today.

These notes assume you're comfortable with basic physics—waves,
geometry, a bit of calculus. We won’t derive Maxwell’s equations
from scratch. But we will try to build a physical understanding of
why telescopes work as they do, grounded in experiments, numbers,
and careful reasoning.






1
The Limits of the Naked Eye

Here is a remarkable fact: the human eye, that exquisite instrument
honed by hundreds of millions of years of evolution, cannot resolve
individual stars in the Andromeda galaxy. Each of those stars is a
raging nuclear furnace, many larger than our own Sun, pouring out
energy at a rate of billions of billions of watts. Yet from two and a
half million light-years away, they blur together into a faint smudge
of light barely visible to the naked eye. Why?

And more to the point: what would it take to see them?

The answer, as we’ll discover, involves wave physics, evolutionary
biology, and a beautiful coincidence that took half a billion years to
arrange. Along the way, we’ll learn why “looking harder” doesn’t
help, why bigger is better (in telescopes, anyway), and why your eye
is almost—but not quite—as good as physics allows.

1.1 The Eye as an Optical Instrument

The human eye is, in many ways, a superb optical instrument. It can
detect a candle flame from several kilometers away on a dark night.*
It can adjust its sensitivity by a factor of a million between bright
sunlight and starlight. It can distinguish millions of colors. Evolution
has done remarkable work.

But there are things the eye cannot do, and understanding these
limitations is the first step toward understanding telescopes.

The most important limitation is angular resolution—the ability
to distinguish two nearby points of light as separate objects rather
than a single blur. Your eye can resolve two stars as distinct if they
are separated by about one arcminute® on the sky. Closer than that,
they merge into one.

Why one arcminute? The answer lies in the wave nature of light
and a phenomenon called diffraction.

Figure 1.1: The human eye. Light
enters through the pupil (diameter D),
is focused by the lens, and forms an
image on the retina.

* The oft-cited claim of 30 kilometers is
a theoretical limit that doesn’t account
for atmospheric effects and background
light. Real experiments find the limit is
much shorter—though still impressive
enough to make you wonder why
moths bother.

> An arcminute is 1/60 of a degree.
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1.2 Light as a Wave: Huygens’ Principle

We usually think of light as traveling in straight lines. This is a useful
approximation, but it’s not quite true. Light is a wave, and waves
behave in ways that would horrify a geometry teacher.

The key insight came from Christiaan Huygens in the 1670s. Imag-
ine a wave moving across a pond. At any instant, you can see a line
of crests—places where the water is highest. Here’s Huygens’ re-
markable observation: you can predict where the wave will be a
moment later by treating every point on the current wavefront as if it
were a tiny pebble dropped into the water. Each of these imaginary
pebbles creates its own little circular ripple. The next wavefront is just
the envelope of all those little ripples added together.

This might seem like an unnecessarily complicated way to describe
a wave moving forward. For a wave in open space, it is. But watch
what happens when the wave encounters an obstacle.
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light spreads after passing through aperture

Consider a plane wave approaching a wall with a hole in it. Ac-
cording to Huygens’ principle, every point in that hole acts as a
source of circular wavelets. On the other side of the wall, the wave
is the sum of all these wavelets.

If the hole is much larger than the wavelength, something nice
happens: the wavelets mostly cancel each other out everywhere ex-
cept in the forward direction. You get a wave that continues mostly
straight through. This is why light seems to travel in straight lines—
doorways and windows are millions of wavelengths wide.

But what if the hole is comparable to the wavelength? Then the
wavelets don’t cancel as neatly. Light spreads out into the “shadow”
region. This is diffraction, and it’s not a failure of light to behave
properly—it’s the fundamental nature of waves.

Figure 1.2: Diffraction: a plane wave
passing through an aperture spreads
out. The intensity pattern on a screen
shows a central bright peak with fainter
side lobes. The spreading angle is
approximately A/D.
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1.3 Deriving the Diffraction Angle

Let me show you where the famous formula § = A/D comes from.
This is worth understanding, not just memorizing—and once you see
the argument, you'll never forget it.

Picture a plane wave hitting an aperture of width D. On the far
side, every point in the aperture radiates a wavelet. Let’s ask: in what
directions do these wavelets add up constructively (making bright
spots) or destructively (making dark spots)?

Consider light traveling straight through—the direction of the
original wave. Wavelets from every part of the aperture travel the
same distance to a faraway screen. They all arrive in phase, mean-
ing their crests align. Constructive interference: bright spot in the
middle. No surprise there.

Now consider light going off at an angle 0. Here’s the crucial
observation: wavelets from different parts of the aperture now travel
different distances.

Compare a wavelet from the top of the aperture to one from the
bottom. If the angle is 6, the path difference is D sin# ~ D¢ for small
angles (measuring 6 in radians).

When is there complete destructive interference—when the light
cancels out entirely? You might say, “When the path difference is half
a wavelength, so crest meets trough.” But that’s only true for two
sources. We have light coming from the entire aperture, not just the
top and bottom.

Here’s the trick. Imagine dividing the aperture into two halves.
Pair up each point in the top half with the corresponding point in
the bottom half. The path difference between any such pair is D8 /2
(since each half has width D/2). If this equals A/2, then every point
in the top half perfectly cancels its partner in the bottom half. Total

darkness.
This happens when:
D6 A
> =3 (1.1)
Solving:
0= % (1.2)

Check the dimensions: wavelength and aperture are both lengths,
so A/D is dimensionless—just a number. That’s good, because angles
(in radians) are dimensionless too. The formula makes dimensional
sense.

This is the angle to the first dark fringe—the first minimum of
the diffraction pattern. Light doesn’t go in exactly straight lines; it
spreads into a cone of angular width roughly A/D.
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Check the limiting cases: if D — oo (huge aperture), 8 — 0—
the light goes nearly straight through, as you'd expect. If A — 0
(infinitely short wavelength), again 6 — 0—geometric optics, where
light travels in perfect rays. Diffraction matters when A and D are
comparable; that’s when the wave nature becomes visible.

The remarkable thing is that this formula involves only the wave-
length and the aperture size. It doesn’t matter what the aperture is
made of, or what’s on the other side. The spreading is a fundamen-
tal property of waves. You could make your aperture out of gold or
garbage or good intentions—same result.3

For a circular aperture, the first dark ring occurs at:

0= 1.22% (1.3)
The factor of 1.22 comes from the geometry of a circle versus a slit.
Physically, a circle has more “diagonal” extent than a slit of the same
diameter—the pairing argument must work in all directions across
the aperture, and the geometry averages out to give a slightly larger
angle.# This is called the Airy pattern, after George Biddell Airy,
who worked out the mathematics in 1835.

1.4 The Diffraction Limit of the Eye

Now we can understand the eye’s resolution limit. The pupil of a
dark-adapted eye opens to about 7 millimeters. Visible light has a
wavelength of roughly 550 nanometers (green light, where the eye is
most sensitive). So the diffraction limit is:

550 x 1077
0 =1.22x ﬁ = 9.6 x 10~° radians ~ 20 arcseconds (1.4)

Wait—that’s 20 arcseconds, but I said the eye resolves about 60
arcseconds (one arcminute). What gives? You might say, “The cal-
culation proves the eye should see three times sharper than it does.
Something must be wrong with the physics.” But the physics is fine.
The problem is elsewhere—in the retina itself.

1.5 The Eye’s Remarkable Coincidence

The retina isn’t a perfect detector. It’s covered with photoreceptor
cells—cones, in bright light—that must catch the light and convert
it to neural signals. In the fovea, the high-resolution center of your
vision, these cones are packed as tightly as possible: about 2 microm-
eters apart.

Let’s calculate what resolution this allows. The eye’s focal length
(the distance from lens to retina) is about 17 millimeters. Two points

3 This universality is what makes
diffraction physics beautiful. The
details don’t matter; only the ratio A/D
matters.

4 The mathematics involves Bessel
functions, which are like sine waves
that got lost in cylindrical coordinates
and never found their way home.

<«“—><—>

1.22A/D
Figure 1.3: The Airy pattern: when a
point source of light passes through
a circular aperture, it produces not a
point but a central disk surrounded by
faint rings.
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of light landing on different cones must be separated on the retina by
at least one cone width. For small angles:

cone spacing 2 X 107 m

— _ 4
Oreceptor = focal length ~ 17 x10 3m 1.2 x 10™* radians ~ 24 arcseconds

(1.5)
Now stop and look at these two numbers:

¢ Diffraction limit: 20 arcseconds
® Receptor limit: 24 arcseconds

They match to within 20%. Two completely independent physical
systems—wave optics and cellular biology—have been tuned to give
almost exactly the same resolution limit.

This is not a coincidence. This is evolution being clever.

But wait—you might say, “The eye actually resolves about 60 arc-
seconds, not 20. Where did the other factor of 3 go?” Good question.
Several effects compound to degrade the theoretical limits to the
achieved performance.

Why Nature Isn’t Wasteful

Think about what would happen if these limits didn’t match.

Case 1: Cones finer than diffraction allows. Suppose evolution
had packed the cones twice as tightly, giving a receptor limit of
12 arcseconds. Would you see twice as sharp? No! The diffraction
limit is still 20 arcseconds. The image falling on those extra-fine
cones would be just as blurry as before. You’d have spent precious
metabolic resources—building and maintaining twice as many cone
cells, running twice as many neural connections to the brain—and
gotten nothing for it.

Cones are expensive. Each one is a little chemical factory, con-
stantly rebuilding its light-sensitive pigments, pumping ions, sending
signals. The fovea is the most metabolically active tissue in your body
per unit volume. Evolution doesn’t pay for what it can’t use.

Case 2: Pupil larger than cones can resolve. Now suppose evo-
lution had widened the pupil to 14 mm, giving a diffraction limit
of 10 arcseconds. Would you see twice as sharp? Still no! The cones
are still 24 arcseconds apart. All that extra optical resolution would
be wasted—Ilike projecting a 4K movie onto a screen made of LEGO
bricks.

A 14 mm pupil would also be structurally difficult, would let
in four times as much light (problematic in daylight), and would
increase optical aberrations. Evolution doesn’t pay for aperture it
can’t use either.

11
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This is what engineers call “matching”—the principle that there’s
no point making one component of a system better than the compo-
nents it connects to.> Evolution, blind as it is, discovered this prin-
ciple. Every photon that lands on your retina goes through a pupil
that’s just big enough, and lands on a receptor array that’s just fine
enough. Neither is over-built. Neither is under-built. The systems are
matched.

So where does the factor of 3 come from? Three effects compound:

First, the Nyquist criterion: to reliably detect a pattern with some
finest detail, you need at least two samples per period of that detail.®
The diffraction limit of 20 arcseconds tells us the finest patterns the
optics can create. But to sample those patterns, receptors spaced at 24
arcseconds can only reliably capture details of about 48 arcseconds—
already a factor of 2.4 worse than the optical limit.

Second, optical aberrations: the human eye isn’t a perfect lens.
Spherical aberration, chromatic aberration, and irregular distortions
spread the image beyond the ideal Airy disk. These effects are worst
when the pupil is fully dilated—you’re using more of the imperfect
lens.

Third, neural processing: the retina doesn’t simply report photon
counts to the brain. Adjacent receptors are connected through lateral
inhibition, signals are combined in ganglion cells, and the brain does
extensive processing. Some of this helps (edge enhancement), some
hurts (noise, averaging).

These factors multiply to give about 60 arcseconds—the actual
resolution of the human eye. The beautiful match between diffraction
and receptor spacing remains: evolution pushed until additional
investment in either optics or receptors would have diminishing
returns. That’s the signature of an optimized system. The factor of 3
between theoretical limits and actual performance is normal for any
real optical system with multiple stages—there’s always overhead
from sampling, imperfections, and processing.

1.6 Two Ways to See Better

If we want to see finer detail than the eye allows, the diffraction for-
mula tells us we have two options:

1. Use shorter wavelengths. X-rays have wavelengths thousands of
times shorter than visible light. An X-ray eye would have fantastic
resolution. Unfortunately, X-rays don’t focus well with ordinary
lenses and mirrors, and they’d also fry the retina. Not practical,
unless you're a superhero with questionable biology.

2. Use a larger aperture. This is the approach that works. A bigger

5 A chain is only as strong as its weak-
est link, and there’s no point gold-
plating half the links.

¢ Imagine alternating light and dark
stripes. If your receptors happen to
land only on light stripes, you see
uniform brightness—you’ve missed the
pattern entirely. You need at least one
receptor in the light regions and one in
the dark regions per period.



opening means less diffraction spreading, which means sharper
images.

This is the fundamental reason telescopes exist: a telescope is a
device for creating a larger effective aperture than the human eye.

You might say, “But surely a telescope just magnifies things?” Yes,
that’s what it seems to do. But magnification alone doesn’t help. Let
me explain why this is subtler than it appears.

1.7 Resolution vs. Magnification: The Information Argument

Here we encounter a common misconception. People often think tele-
scopes work by “magnifying” things—making them appear bigger.
This is true in a sense, but it misses the point entirely.

® - —
eye <71 resolved!

telescope
same angular separation on the sky

Here’s the puzzle: you're looking through a telescope with a 10-
centimeter aperture. Light from the telescope enters your eye through
your 7-millimeter pupil. Why does the telescope’s aperture determine
the resolution, not your eye’s? After all, the light has to pass through
your pupil eventually. Doesn’t it get “re-diffracted”?

The deepest way to understand this is in terms of information.
When light from a distant star enters the telescope’s aperture, it car-
ries information about the star’s angular position. This information
is encoded in the phase relationships between light entering different
parts of the aperture.

Here’s how it works. Light from a distant star arrives as a plane
wave—the wavefronts are flat planes perpendicular to the direction
of travel. For a star directly on-axis, these wavefronts are horizontal,
and every point across the aperture receives the wave at the same
phase. But for a star at angle 0 off-axis, the wavefronts are tilted. One
edge of the aperture receives the wave before the other edge does.

The geometry is simple: the path difference across an aperture of
diameter D is Dsin® ~ D0 for small angles. This path difference
corresponds to a phase difference of:

Ap = @ (1.6)

The star’s direction is literally encoded as a phase gradient across the

THE LIMITS OF THE NAKED EYE 13

Aperture 6 Gain
Eye (7 mm) 20" 1X
50 mm 2.8 7 X
10 cm 1.4" 14X
25 cm 0.55" 36X
om 0.014”  1400%

Table 1.1: Diffraction-limited resolution
at A = 550 nm. Larger apertures resolve
finer details.

Figure 1.4: The telescope’s large aper-
ture reduces diffraction, allowing two
closely-spaced stars to be resolved as
separate objects. The eye alone blurs
them together.
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aperture. Different arrival angles produce different phase gradients—
steeper gradients for larger angles.

Now, how does the telescope “read” this phase information? The
lens (or mirror) converts the phase gradient into position on the fo-
cal plane. Light from different angles focuses at different positions:

a star at angle 0 focuses at distance f6 from the center, where f is
the focal length. The lens is performing something like a Fourier
transform—converting spatial frequency (the phase gradient) into

pOSitiOl‘l.7 7 This is why Fourier optics is such a
powerful framework for understanding

To distinguish two stars at angles 61 and 65, their phase gradients powe
imaging systems.

must differ enough to be detectable. This requires the total phase dif-
ference across the aperture to be at least comparable to one wave cy-
cle (2m). If |61 — 62| < A/D, the phase gradients are too similar—the
difference gets washed out by diffraction. The telescope fundamen-
tally cannot tell whether there’s one star or two.

Now, after the light passes through the telescope’s optics, it’s been
transformed. The telescope creates an image—a pattern of light that
encodes the information the telescope was able to capture. Your eye’s
job is just to look at this image.

Your pupil doesn’t “re-diffract” the starlight in a way that loses
information because the light entering your eye is no longer a plane
wave from infinity. It’s light from a nearby image, with a complex
structure that already encodes the telescope’s resolution. Your eye is
not trying to resolve the stars directly; it’s looking at a picture of them
that the telescope made.

The key is that the information about the star’s direction was
encoded in the phase gradient across the telescope’s aperture. The
telescope captured that information (because its aperture was big
enough to measure the gradient) and converted it to position struc-
ture in the focal plane image. Your eye then observes that position
structure. Your pupil’s diffraction limit applies to the angular detail
of the image, not to the original starlight.

Think of it this way: looking at stars through a telescope is like
looking at a photograph. The photograph has limited resolution
from the camera. You look at the photograph with your eye. Your
eye’s resolution doesn’t further degrade the photograph (unless you
look from very far away). The camera set the limit; your eye just sees
what’s there.

Why Magnification Matters—Up to a Point

So if resolution is set by aperture, why do telescopes have eyepieces
at all? Can’t you just look at the focal plane directly?
No—and this is subtle. The telescope creates a tiny, high-resolution



image at its focal plane. For a 100 mm telescope at f/ 10, the finest
resolved details (at the diffraction limit of about 1.4 arcseconds) cor-
respond to features only 7 micrometers across on the focal plane.
Viewed from your eye’s comfortable focusing distance of 250 mm,
these features subtend about 6 arcseconds—far smaller than your
eye’s 60 arcsecond resolution. The detail exists in the image, but your
eye can’t sample it finely enough to see it.

This is where the eyepiece comes in. It magnifies the focal plane
image until the finest details span enough of your eye’s receptors.
You need at least two receptors per finest detail (the Nyquist criterion
again!). A useful rule of thumb: the minimum magnification to see
a telescope’s full resolution is roughly D /3, where D is the aperture
in millimeters.® The maximum useful magnification is around 2D—
beyond this, you're just magnifying blur.

This is why cranking up the magnification on a cheap telescope
doesn’t help. If the objective lens or mirror is small, the diffraction
limit is poor. The telescope captures limited detail, and magnifying
beyond what’s needed to see that detail just gives you a bigger blurry
image. Astronomers call this “empty magnification.”

You might say, “Then why do cheap telescopes advertise ‘500 x
magnification!” on the box?” Because the manufacturers know most
buyers don’t understand the difference. A 50 mm telescope has a
useful range of roughly 17x to 100x. At 500x, you'd see a dim,
blurry mess. It’s a bit like advertising a car by its top speed when the
roads only allow 70 mph—technically true, practically useless, and
vaguely dishonest.

1.8 Light-Gathering Power

There’s another reason to want a large aperture: light-gathering
power. The eye’s pupil, at 7 mm diameter, has an area of about 38
square millimeters. A modest 10-centimeter telescope has an area of
about 7,850 square millimeters—over 200 times larger.

This matters because most astronomical objects are faint. The
amount of light you collect is proportional to the area of your aper-
ture:

Light collected o D? (1.7)

But here’s a subtlety worth appreciating: this D? scaling helps
differently for different kinds of objects.

For a point source like a star—anything smaller than your resolu-
tion limit—all the collected photons land in one spot (the Airy disk).
A telescope 10 times larger collects 100 times more photons, and they
all pile into the same small area. The star appears 100 times brighter.
This is why bigger telescopes see fainter stars.

THE LIMITS OF THE NAKED EYE 15

8 For a 100 mm telescope, this is about
33x. At lower magnifications, you're
not seeing everything the telescope
resolved.
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For an extended source like a nebula or galaxy disk—anything
larger than your resolution limit—the situation is different. Yes, you
collect D? more photons. But with better resolution, you also spread
those photons over more pixels: the same object covers more of your
detector because you're seeing finer detail. The D? more photons
spread over roughly D? more pixels, and the brightness per pixel stays
about the same.?

What you gain from a larger telescope for extended objects is
resolution, not brightness: more pixels showing finer structure. What
you gain for point sources is both resolution and detection sensitivity.

A telescope with 10 times the diameter collects 100 times as much
light from any source. For stars, this means you can see stars 5 mag-
nitudes fainter—each factor of 2.5 in brightness corresponds to one
magnitude.™

The human eye, dark-adapted, can see stars down to about magni-
tude 6. A 10-cm telescope reaches magnitude 11. The Hubble Space
Telescope, with its 2.4-meter mirror, can see to magnitude 31—stars
more than 10 billion times fainter than the naked-eye limit. But area
alone doesn’t explain this: Hubble’s mirror collects about 100,000
times more light than the eye, which accounts for only 12.5 magni-
tudes. The rest comes from exposure time. Hubble can stare at a patch
of sky for hours or days, accumulating photons. Your eye refreshes
its image about 20 times per second. This combination of aperture
and integration time is what makes faint-object astronomy possible.

1.9 Putting in Numbers

Let’s make this concrete with an example. How big a telescope
would you need to resolve individual stars in the Andromeda galaxy?
The Andromeda galaxy is about 2.5 million light-years away. Its
disk contains stars separated, on average, by a few light-years. Let’s

say we want to resolve two stars separated by 1 light-year.
The angular separation of two objects at distance d and physical

separation s is:

S
o= (1.8)

With s = 1 light-year and d = 2.5 x 10° light-years:

= — i = -7 i =~ 0. .
0= 75 % 106 radians = 4 x 107 radians ~ 0.08 arcseconds (1.9)
To resolve this with visible light (A = 550 nm), we need an aper-
ture: 0
1224 1.22 x 550 x 10~
D= = 15107 ~ 1.7 meters (1.10)

9 This is the principle of surface bright-
ness conservation. A telescope cannot

make an extended object look brighter;
it can only reveal finer detail within it.

° The magnitude system dates back

to the ancient Greek astronomer Hip-
parchus, who classified stars from 1st
magnitude (brightest) to 6th magnitude
(barely visible). Modern astronomers
kept the system but made it precise:
exactly a factor of 1094 ~ 2.512 per
magnitude. They’ve complained about
the system ever since.

“Z

M31 (Andromeda)

Figure 1.5: The Andromeda galaxy
appears as a fuzzy smudge to the naked
eye. Resolving individual stars requires
a substantial telescope.
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A 1.7-meter telescope—that’s about the size of the largest tele-
scopes built before the 2oth century. And this would just barely re-
solve individual stars; to study them in detail, you'd want something
larger still.

But wait—we’ve only answered half the question. Can a 1.7-meter
telescope actually see those stars, or just resolve them? After all, An-
dromeda is 2.5 million light-years away. The stars might be separable
in principle but too faint to detect.

Let’s check. A 1.7-meter telescope, visually, can see stars down to

about magnitude 18.'* The brightest individual stars in Andromeda " There’s a rough formula: limiting
magnitude ~ 2 + 5log, (D) where D is

, . . aperture in millimeters. For 1700 mm,
around —9 (that’s about 100,000 times brighter than our Sun). At that's about 18.

are supergiants—blue and red giants with absolute magnitudes

Andromeda’s distance, these appear at apparent magnitude around
15 to 16. That’s comfortably brighter than the limiting magnitude
of 18. So yes, a 1.7-meter telescope can both resolve and detect the
brightest stars in Andromeda.

So astronomers must always ask two questions: can we resolve
it, and can we detect it? A telescope must resolve the stars (separate
their Airy disks) and collect enough photons to detect them. For
Andromeda’s bright supergiants, a 1.7-meter telescope satisfies both
requirements.

You might say, “That doesn’t sound so hard. People build back-
yard observatories with 1-meter mirrors.” True, but there’s a catch we
haven’t mentioned yet: the atmosphere. It turns out that seeing stars
clearly from Earth’s surface is like trying to read a book at the bottom
of a swimming pool while someone stirs the water. We’ll get to that
problem in Chapter 5.

This is why the Hubble Space Telescope, with its 2.4-meter mirror,
could do what no ground-based telescope had done before: resolve
individual stars in galaxies millions of light-years away, measure their
brightnesses, and use them to determine distances with unprece-
dented precision.

1.10 The Inverse Square Law

We’ve been talking about limiting magnitudes and the faintness of
distant stars. But why are distant stars so faint in the first place? A
star like the Sun puts out the same amount of light whether it's 1 AU
away or 10 billion light-years away. The difference is in how much
of that light reaches us—and this is governed by one of the most
important laws in physics.

Light spreads out as it travels. A star that emits a certain amount
of light per second distributes that light over an ever-larger sphere as
the light travels outward.



18 TELESCOPES

At distance r from the star, the light is spread over a sphere of area
47tr?. The intensity—the power per unit area—is:

L

" 4m? (1.11)

where L is the luminosity (total power output) of the star.

This is the inverse square law. Double the distance, and the inten-
sity drops by a factor of four. Go ten times farther away, and the star
appears 100 times dimmer.

The Sun has a luminosity of about 3.8 x 10%° watts. Alpha Cen-
tauri, the nearest star system, is about 276,000 AU away (where 1 AU
is the Earth-Sun distance). So its intensity at Earth is:

1 ? —11
IaCen — ISun X (276/000) ~ 13 X 10 X ISun (1.12)

Even the nearest stars are fantastically dim compared to the Sun.
And distant galaxies are millions of times farther still. The inverse
square law is why astronomers spend so much time and money
building bigger telescopes: every factor of two in diameter means
four times more photons collected, which means you can see twice as
far into the universe.

1.11  Why Tycho Brahe Couldn’t Find Stellar Parallax

Figure 1.6: Light from a star spreads
over a sphere. At distance ry, area is
4mrd. At 2, area is 167tr3. Intensity
drops as 1/72.

Before we move on to how telescopes actually work, consider how much astronomers accomplished with naked-eye

observations alone. Tycho Brahe (1546—1601) built instruments that could measure star positions to about one

arcminute—the limit of human vision. He hoped to detect stellar parallax, the apparent shift in star positions as

Earth orbits the Sun, which would prove that Earth moves. He failed: the parallax of even the nearest stars is less

than one arcsecond, sixty times smaller than Tycho could measure. It would take telescopes and two more centuries
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before Friedrich Bessel finally detected stellar parallax in 1838. Tycho died believing Earth was stationary, not because
he was foolish, but because the evidence he could gather pointed that way.

1.12 The Path Forward

We now understand why looking harder doesn’t work. The wave

nature of light imposes a fundamental limit: angular resolution scales

as A/D. The only way to see finer detail is to build a bigger aperture.
But building a bigger aperture isn’t simple. You need to:

1. Collect the light over a large area
2. Bend all that light so it comes together at a single point

3. Do this precisely enough that diffraction, not lens imperfections,
limits your resolution

This is what telescopes do. In the next chapter, we’ll see how a
simple piece of curved glass accomplishes the remarkable feat of
bending light rays so they converge to a focus.

The history of astronomy can be read as a history of apertures. Galileo’s first telescope had an aperture of about 37
millimeters—five times the pupil of the eye. Within a century, telescopes had grown to several inches. By the mid-
20th century, the 200-inch Hale Telescope (5 m) on Mount Palomar was pushing the limits of what could be built as a
single mirror. Today, telescopes with effective apertures of 10 meters and more are routine. Each increase opened new
windows on the universe. The telescope didn’t just let us see farther; it revealed that the universe was vastly larger
and stranger than anyone had imagined.







2
How a Lens Bends Light

Hold a magnifying glass in sunlight and you can start a fire. The
lens takes light spread over its whole surface—perhaps 50 square
centimeters—and concentrates it into a spot millimeters across.
That’s a concentration factor of thousands. Where does this power
come from?

Not from the glass adding energy; it can’t. The glass is passive.
The power comes from redirecting rays that were going to miss the
target. Light that would have illuminated a wide area is gathered and
steered to a single point. Understanding how a curved piece of glass
accomplishes this redirection is the first step toward understanding
telescopes.

2.1 Why Light Bends at an Interface

When light passes from one material to another—from air into glass,
for example—it changes direction. This is called refraction, and it
happens because light travels at different speeds in different materi-
als.

In vacuum, light travels at ¢ ~ 3 x 108 m/s. In glass, it travels
at about ¢/1.5 &~ 2 x 108 m/s. The ratio c/v is called the refractive

index n:

n= % (2.1)

For air, n =~ 1.0003 (essentially 1). For typical glass, n ~ 1.5. For
water, n ~ 1.33.

The relationship between incident and refracted angles is given by
Snell’s law:"

nq sin 0y = np sin 6 (2.2)

When light enters a denser medium (higher 7), it bends toward the
normal—the line perpendicular to the surface. When it exits into a
less dense medium, it bends away from the normal.

incident 9.
air 1 :
|

|

glass : refracted
02

|

|
Figure 2.1: Light bends toward the nor-
mal when entering a denser medium.
The angles are related by Snell’s law.

* Named after Willebrord Snellius
(1580-1626), though it was actually
discovered earlier by Ibn Sahl in 984
CE.
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But where does Snell’s law come from? It emerges directly from
the wave nature of light.

2.2 Why Does Light Slow Down?

Here’s a puzzle worth pausing over. Glass is mostly empty space.
Atoms are tiny—about an angstrom across, which is 1070 meters.

The spacing between atoms in glass is a few angstroms. And an atom

is almost entirely empty; the nucleus is a hundred thousand times
smaller than the atom itself, and electrons are point particles in fuzzy
clouds.

So when a photon goes through glass, what'’s it hitting? Nothing,
really. The photon travels at the speed of light ¢ in the vacuum be-
tween atoms. It doesn’t slow down, doesn’t get absorbed (or glass
wouldn’t be transparent), doesn’t bounce off anything. And yet we
measure that light takes longer to traverse a piece of glass than the
same distance in vacuum.

You might say, “The light bumps into atoms and gets delayed.”
But that can’t be right. If light were bouncing around inside the glass
like a pinball, the glass would scatter light in all directions—it would
look milky, like frosted glass. But clear glass transmits light with
negligible scattering. The beam goes straight through.?

You might try another explanation: “The light gets absorbed and
re-emitted by each atom, and there’s a little delay at each absorp-
tion.” That’s closer, but still not quite right. If atoms were absorbing
and re-emitting, there would be a characteristic frequency involved—
atoms absorb at specific frequencies, not all frequencies equally. But
glass slows down all colors of visible light, not just resonant frequen-
cies.

The answer requires thinking about light as a wave.

When an electromagnetic wave enters glass, its oscillating electric
field pushes on the electrons in the glass atoms. These electrons
are bound to their nuclei by electric forces—they're like masses on
springs. When you push on a mass on a spring, it oscillates. And
oscillating charges radiate electromagnetic waves.

So here’s the picture: the incoming light wave makes every elec-
tron in the glass oscillate. Each oscillating electron radiates its own
little electromagnetic wave. These re-radiated waves spread out in
all directions from each atom. And then—here’s the key—all these
waves interfere with each other and with the original incoming wave.

When you work out all the interference—from the original wave
plus all the waves re-radiated by all the electrons—something re-
markable happens. In the forward direction, all these waves add up

to produce a combined wave that looks exactly like the original wave,

2 A tiny amount of scattering does
occur—we’ll see why shortly—but it’s
far too weak to explain the significant
slowdown we observe.

Wavein:Q © © Q:out
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atoms re-emit light

Figure 2.2: Light passing through
matter interacts with multiple layers of
atoms. Each atom’s electrons oscillate
and re-emit light. The interference
between incident and re-emitted waves
creates an effective slowdown. The
bulk effect requires many atoms acting
together.
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except it’s delayed. It’s as if the wave were traveling more slowly.

In every other direction, the waves from different atoms mostly
cancel out. The cancellation isn’t perfect, which is why even clear
glass scatters a tiny bit of light. But in the forward direction, the
waves add up coherently.

This isn’t the light “pushing through” a thicket of atoms. It’s a
subtle interference effect. The individual photons still travel at c be-
tween atoms. But the collective wave pattern advances more slowly.
The quantum mechanical treatment (quantum electrodynamics) gives
the same answer as this classical wave picture—Feynman worked
this out beautifully in his book QED: The Strange Theory of Light and
Matter.

2.3 From Speed Change to Bending: Deriving Snell’s Law

Now comes the beautiful part. Once we accept that light travels
slower in glass than in air, we can derive exactly how light bends

at an interface. The derivation is so elegant, so visual, that once you
see it, you'll never forget it.

Imagine a marching band crossing from pavement onto a muddy
field at an angle. On pavement, they march quickly. In mud, they
march slowly. What happens at the boundary?

The band members who reach the mud first slow down first. But
the band members still on pavement keep marching at the fast pace.
This causes the whole line to pivot. The part in the mud falls behind;
the part still on pavement races ahead. The line swings around until
the whole band is marching in a new direction—more perpendicular
to the boundary, pointing more into the mud.

Light waves do exactly the same thing.

wavefrontatt =0 g, — u At Figure 2.3: Deriving Snell’s law from
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$ N wavefront geometry. As the wavefront

crosses the interface, the part in air
travels faster than the part in glass.

N N Both sweep out the same length L along

R . the surface, but the distances traveled

air (v7) 6 . differ: dq = v At in air versus dy = v At

SO— in glass.

\
0, ", glass (v < v1)
\
\ dy = v At

Consider a wavefront—a line of constant phase, like a row of
marchers—approaching a glass surface at an angle. The wavefront
makes an angle 0; with the surface (or equivalently, the ray, perpen-
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dicular to the wavefront, makes an angle 6; with the normal to the
surface).

In time At, the part of the wavefront still in air travels a distance
d; = v1At. But the part that has entered the glass only travels d, =
voAt, which is smaller since v, < vy.

Here’s the geometric insight. Look at the wavefront at two mo-
ments in time. At the first moment, one edge of the wavefront just
touches the glass surface. At the second moment, the other edge just
reaches the surface. Both edges have swept out segments along the
glass surface of the same length L.

From the geometry:

® In air: the wavefront travels d; while sweeping distance L along
the surface, so sinf; = dy/L

¢ In glass: the wavefront travels d, while sweeping the same dis-
tance L, so sinf, = dy/L

Taking the ratio:

sin 91 dl (%5 C/Tll np
sinf, dy vy c¢/npy m

Rearranging:
nysinf; = ny sin b, (2.4)
That’s Snell’s law! It emerges directly from the geometry of wave-
fronts and the different speeds in different media.

Notice what this derivation shows: it’s not that something is Material n v (km/s)
“pushing” the light to bend. The bending is simply what happens Vacuum 1000 300,000
when different parts of a wavefront travel at different speeds. The Air 1.0003 299,900
wavefront tilts, and tilting the wavefront is the same as changing the Water 1333 225,000
direction of the ray. Crown glass ~ 1.52 197,000

Flint glass 1.66 181,000

Diamond 2.42 124,000
2.4 How CI/H"UEd S urf aces Focus Table 2.1: Refractive indices of common

materials. Higher n means slower light
A flat piece of glass doesn’t focus light. It bends rays, but all parallel speed.

rays bend by the same amount and remain parallel. To focus light,
we need a curved surface.

But wait—why should any curved surface bring parallel rays to a
single point? This is not obvious. An arbitrary curved surface bends
different rays by different amounts, but why should those amounts
conspire to make all rays meet at one spot?

The answer lies in a beautiful principle discovered by Pierre de
Fermat: light takes the path of least time between two points. Actu-
ally, that’s slightly oversimplified—light takes the path of stationary
time, meaning small deviations don’t change the travel time to first



order. For most situations this means minimum time; for focusing,
something remarkable happens: all paths take equal time.

Think about what this means for a lens. We want parallel rays
from a distant star to converge at a single focus point. Fermat’s prin-
ciple says: if all those rays are legitimate light paths, they must all
take the same time. Not approximately the same—exactly the same.

Consider a convex glass surface—one that bulges toward the in-
coming light. A ray hitting the surface straight on (perpendicular
to the surface at that point) passes through without bending; it’s
already along the normal. But a ray hitting off-center encounters a
tilted surface. Snell’s law tells us the ray bends toward the normal of
the local surface.

normals

focus

Here’s the crucial point: for a ray near the top of a convex lens, the
surface normal points upward and outward. The ray bends toward
this normal—which means it bends downward. For a ray near the
bottom, the surface normal points downward and outward. That ray
bends upward. Rays through the center go straight through.

With the right shape, these varying deflections can be chore-
ographed so that all parallel rays converge to a single point. This
point is called the focus, and the distance from the lens to the focus
is the focal length, denoted f.

Now Fermat’s principle tells us why the right shape exists. Con-
sider the edge ray versus the center ray. The edge ray travels through
less glass (faster!) but must travel a longer path through air to reach
the focus. The center ray travels through more glass (slower!) but
takes the shortest path to the focus. For all rays to arrive at the same
time, these effects must balance exactly:

(time in glass) + (time in air) = constant for all rays (2.5)

The lens shape that achieves this isn’t a happy coincidence—it’s the
unique shape that satisfies Fermat’s requirement of equal travel time.
The physics demands it.
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Figure 2.4: A plano-convex lens bends
rays at both surfaces. At the curved
surface (left), rays bend toward the
normal—inward toward the axis. At
the flat surface (right), rays bend away
from the normal as they exit to air,
steepening their convergence toward
the focus.
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2.5 The Thin Lens Equation

For a thin lens—one whose thickness is small compared to its focal
length—there’s a beautiful relationship between object position,
image position, and focal length. Let’s derive it from first principles.

What Does “The Image Forms” Really Mean?

When we say “an image forms at distance 7,” what do we actually
mean?

Take a single point on an object—say, the tip of an arrow. Light
radiates from that point in all directions. Some of those rays hit the
lens. The lens bends each ray by a different amount, depending on
where the ray hits. If the lens is doing its job, all those bent rays
converge to a single point on the other side.

That convergence point is the image of the original point. Every
point on the object has a corresponding image point. Together, these
image points form the complete image. If you put a screen at exactly
the distance where the rays converge, you see a sharp image. Put the
screen too close or too far, and each object point becomes a blurry
disk instead of a sharp point.

Deriving the Equation

Consider a spherical refracting surface with radius of curvature R,
separating air (index n; = 1) from glass (index n, = n). For rays
close to the optical axis (paraxial rays), we can use the small-angle
approximation sin 6 ~ 6. This approximation is excellent for angles
below about 14 degrees, where the error is less than 1%.3

Let’s trace a ray from an object point P at distance o, hitting the
surface at height /i above the axis. The key angles are:

* «a = h/o: the angle the incident ray makes with the axis
* ¢ =~ h/R: the tilt of the surface normal at height h
* 0 = a + ¢: the angle of incidence (ray to normal)

Snell’s law in the paraxial approximation gives 6, = 61 /n. The

refracted ray makes an angle B = ¢ — 6, with the axis, and crosses the

axis at distance i = h/B.
Here comes the miracle. Working through the algebra:

R ICORIC e

Soi=h/p gives:

ﬁ (2.7)

Figure 2.5: Ray tracing through a thin
lens. Two principal rays from the object
tip converge at the image. The real
image is inverted—it points downward
when the object points upward.

3 The fractional error in sinf ~ 6

is roughly 6%/6. At 10 degrees (0.17
radians), that’s about 0.5%. Beyond
this, the higher-order terms in sin 6
cause rays at different heights to focus
at different distances—we’ll meet this
again as spherical aberration.
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The factor of & cancels! The image distance i doesn’t depend on
where the ray hits the surface. Rays at every height converge to the
same point. This is not an accident—it’s Fermat’s principle at work,
guaranteeing equal travel time for all rays. Rearranging gives the
single-surface equation:

1 n n-1

o i R (28)

A lens has two surfaces. Applying this equation to both surfaces
of a thin lens, where the intermediate image from the first surface
becomes the object for the second, and adding the results (the inter-
mediate terms cancel), we get:

1 1 1 1
o+i:(n1)(R1R2> (2.9)

The right side depends only on the lens properties. Define the

focal length f by:
1 1 1
7= (n—1) <R1 - Rz) (2.10)

And we arrive at the thin lens equation:

1 1 1
? = E + ? (2.11)
Let’s check limiting cases. When the object is at infinity (0 —

o0), the equation gives i = f—parallel rays from a distant object
converge at the focal point, exactly as we expect. When the object
sits at distance 2f, the equation gives i = 2f: the image forms at
the same distance on the other side, a symmetric configuration with
magnification exactly 1 (but inverted). When the object is at the focal
point itself (o0 = f), we get i — co—rays from an object at the focus
emerge parallel and never converge. This is how a point source at
the focus creates a collimated beam, the inverse of focusing. And
when the object moves closer than f, the equation gives i < 0. A
negative image distance means a virtual image—on the same side as
the object.

2.6 Magnification

The magnification m of a lens is the ratio of image height to object
height. Let’s derive it.

Consider a ray from the top of an object (height h,) passing through
the center of a thin lens. This ray goes straight through without
bending—at the center, the ray hits each surface perpendicular to

27

the local surface normal, so no refraction occurs.# The ray travels +For a thin lens, the two refractions at

from height h, at distance o to height h; at distance i.

the center (one entering, one exiting)
also cancel because the surfaces have

opposite curvatures but the ray passes

through negligible thickness of glass.
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By similar triangles (the ray and the optical axis form the sides):

hi - ho I’li 1
7 = ? = h70 = 8 (2.12)
But there’s a sign to track. When the object is above the axis and
the image is below (as happens for a real image), we say the image
height is negative. The magnification is:
h; i

m= T =5 (2.13)

The negative sign indicates that when i and o are both positive
(real image, real object), the image is inverted—upside-down relative
to the object.

Real versus Virtual Images

Real images form where rays actually converge. You can project
them onto a screen. They occur with a converging lens when the
object is beyond the focal point (0 > f), giving a positive image
distance i > 0—the image forms on the opposite side of the lens from
the object. Real images are always inverted (m < 0), upside-down
relative to the object. Your camera, a movie projector, and your eye all
form real images.

Virtual images form where rays appear to originate—trace di-
verging rays backward, and they meet at a point. You cannot project
a virtual image onto a screen, but your eye can see it by looking
through the lens. Virtual images occur with a converging lens when
the object is inside the focal point (0 < f), or with any diverging lens.
The image distance is negative (i < 0), meaning the image appears
on the same side as the object. Virtual images are upright (m > 0)—
right-side-up. A magnifying glass produces a virtual image, as do
eyeglasses for nearsightedness.

The connection between real/virtual and inverted /upright fol-
lows from the geometry. When rays actually cross (real image), the
crossing inverts the image. When rays only appear to originate from
a point (virtual image), no crossing occurs, and the image stays up-
right.

2.7 The Lensmaker’s Equation

Where does the focal length come from? It depends on the shape of
the lens and the refractive index of the glass. We already derived this:

} = (n—1) <R11 - Rlz) (2.14)



HOW A LENS BENDS LIGHT 29

This is the lensmaker’s equation. Understanding the sign conven-
tions for Ry and R; is essential.

The convention: A radius of curvature is positive if the center of
curvature is on the outgoing side of the surface (the side the light goes
toward after hitting that surface). It’s negative if the center is on the
incoming side.

Figure 2.6: A biconvex lens (“bi” = both
surfaces, “convex” = curving outward)
converges parallel rays to a real focus
with f > 0. A biconcave lens (both
surfaces curving inward) diverges rays;
they appear to originate from a virtual
focus with f < 0. Rays bend at both
surfaces (orange shows the path inside
biconvex (converging) biconcave (diveriging) the glass). The naming convention:
thicker in middle thinner in middle s . .

convex means thicker in the middle,
concave means thinner in the middle.
Note: the lens thickness is exaggerated
for clarity; real lenses with these focal
lengths would be much thinner relative
to their diameter.

f>0

Applying the sign convention to different lens shapes:

For a biconvex lens (bulging outward on both sides), the first
surface curves toward the incoming light, giving Ry > 0. The second
surface has its center on the incoming side, so Ry < 0. The result:
1/R; —1/Ry > 0, giving f > 0—a converging lens.

For a biconcave lens (curving inward on both sides), the situation
reverses. The first surface has its center on the incoming side, giving
Ry < 0. The second surface has its center on the outgoing side, so
Ry > 0. Now 1/R; —1/R;p < 0, giving f < 0—a diverging lens.

A positive focal length means parallel rays converge to a real fo-
cus. A negative focal length means parallel rays diverge after pass-
ing through the lens—they spread apart as if coming from a point
on the near side. This virtual focal point is where the diverging rays,
traced backward, appear to originate.

Two more observations follow from the equation. A lens made
of higher-index glass (n larger) has shorter focal length—it bends
light more strongly. And more strongly curved surfaces (smaller |R|)
also give shorter focal length, as you'd expect: sharper bends mean
quicker convergence.

Let’s check limiting cases to build confidence. If n — 1 (no re-
fractive index difference), the factor (n —1) — 0,s01/f — 0 and
f — oo—a material that doesn’t bend light can’t focus. If one surface
is flat (R, — o0), then 1/Ry — 0 and only the curved surface con-
tributes to focusing—that’s a plano-convex lens. Both limiting cases
make physical sense.
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2.8 A Practical Example

Let’s put numbers to this. Suppose you want to build a simple
magnifying glass with a focal length of 10 cm, using crown glass
(n = 1.52).

If we use a symmetric biconvex lens with Ry = —R; = R (the
sign convention has R > 0 for a surface curving toward the incoming
light), the lensmaker’s equation gives:

1 1 1 2(n—1
? =(n-1) <R + R) = 7(711{ ) (2.15)
Solving for R:
R=2(n—-1)f =2(052)(0.1 m) = 0.104 m ~ 10 cm (2.16)

So each surface should have a radius of curvature of about 10 cm.
If the lens is 5 cm in diameter, each surface bulges out by about:

h=R—4/R2—(D/2)?2~ —— = ~ 3 mm (2.17)

This is a gentle curve—the lens is only slightly thicker in the mid-
dle than at the edge. Making good lenses is less about dramatic
shapes than about precise, smooth curves.

You might say, “Three millimeters? That’s nothing! Any glass
shop could grind that.” And you’d be right—for a magnifying glass.
But telescopes demand precision measured in wavelengths of light,
not millimeters. A surface error of 100 nanometers—invisible to any
ruler—can ruin an image.

Why 100 nanometers? Because light is a wave, and imaging de-
pends on all rays arriving at the focus in phase. A surface bump
of height € adds an extra optical path of (n — 1)e as light traverses
the thicker glass instead of air. For crown glass, a 100 nm error cre-
ates about 50nm of path difference—roughly A/10 for visible light
(A =~ 500nm). That’s enough phase shift to noticeably blur the image.
The standard criterion for excellent optics is wavefront errors below
A/4, which demands surface smoothness at the 1oonm level. The
3mm bulge and 100nm tolerance aren’t contradictory—they measure
different things. The millimeter-scale shape directs light to the focus;
the nanometer-scale smoothness keeps it all in phase when it arrives.

This is why optical grinding became an art form centuries before it
became a science.

(center of
curvature)

<>
~3 mm

Figure 2.7: Cross-section of a simple
biconvex lens. R is the radius of cur-
vature of each surface. Note: the bulge
is exaggerated for clarity; for a 5-cm
diameter lens with 10-cm focal length,
each surface bulges only about 3 mm
from flat.
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2.9 The Power of a Lens

Optometrists often describe lenses by their power, measured in
diopters (D):
1
P = 7 (with f in meters) (2.18)

A lens with f = 0.5 m has power P = 2 D. A lens with f = 0.1 m
has power P = 10 D.

The advantage of power notation is that powers add. If you put
two thin lenses in contact, the combined power is:

P’total =P+D (2‘19)

Why do powers add? For two thin lenses in contact, the thin lens
equation gives 1/f1 +1/f> = 1/ fcombined (the intermediate image
from the first lens is at the same position as the second lens, so the
terms combine directly). Since P = 1/ f, this becomes P; + P> = Piytar-

A +3D lens combined with a -1 D lens gives a +2 D combination.
This makes the arithmetic of lens combinations easy.

=
=
g

2.10 What Lenses Can’t Do Perfectly

There’s a catch. The thin lens equation and the lensmaker’s equation spherical aberration
are approximations that work well for rays close to the optical axis

and for thin lenses. Real lenses have aberrations—defects that blur through the edge of a spherical lens
focus closer than rays through the

the image.
& center. The result is a blurred image.

The most basic is spherical aberration. A spherical surface (the
easiest shape to grind) doesn’t quite bring all rays to the same focus.
Rays passing through the edge of the lens focus slightly closer than
rays through the center.

Spherical aberration isn’t a separate flaw in spherical surfaces—
it’'s what happens when rays leave the paraxial regime. The elegant
equations we derived assumed sin@ ~ 0. For rays through the edge
of a lens, those angles can reach 10—20 degrees, where the approxima-
tion breaks down and the factor of & no longer cancels perfectly. The
“miracle” of focusing depends on paraxial conditions; beyond them,
different rays go to different places.

For a simple lens, this can be minimized by using only the cen-
tral portion (stopping down the aperture)—you’re keeping only the
paraxial rays—or by using a non-spherical (aspheric) surface. High-
quality camera lenses use multiple elements specifically designed to
cancel aberrations.

We'll encounter more serious aberrations—particularly chromatic
aberration—in the next chapter when we build an actual telescope.

Figure 2.8: Spherical aberration: rays
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2.11  How Did Anyone Figure This Out?

The history of lenses stretches back millennia. The ancient Egyptians and Mesopotamians made glass beads that could
focus light. Roman writers described using a glass globe filled with water to magnify text. But the systematic use
of lenses for vision correction began in 13th-century Italy. Spectacles for farsightedness appeared around 1286; for
nearsightedness, about a century and a half later.

The physics of refraction was understood qualitatively by Ptolemy (2nd century CE), who measured the angles in-
volved. But the precise law—uwhat we call Snell’s law—uwas discovered by Ibn Sahl in 984, lost to the West, and
rediscovered by Snellius around 1621. Descartes published it in 1637, and from there the design of lenses became a
mathematical science rather than a craft of trial and error.

Still, the telescope wasn’t invented by anyone who understood the theory. It emerged from the workshops of Dutch
spectacle makers around 1608, likely by accident—someone noticed that looking through two lenses at once made
distant things appear closer. Theory followed practice.

2.12  Looking Ahead

We now understand the basic physics: light slows down in glass
because of interference between the incident wave and waves re-
radiated by oscillating electrons. This speed change causes wave-
fronts to tilt at interfaces—that’s Snell’s law. Curved surfaces present
different angles to different rays, and with the right curvature, paral-
lel rays from distant objects converge to a focus.

We’ve derived the thin lens equation from Snell’s law and geome-
try, understood why negative focal lengths correspond to diverging
lenses, and seen why real images are inverted while virtual images
are upright.

But a single lens isn’t a telescope. To see distant objects clearly,
we need to capture the light, form an image, and then examine that
image with a magnifier. In the next chapter, we’ll see how Galileo
combined two lenses to create the first astronomical telescope—and
why his simple design was both revolutionary and deeply flawed.
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The Refracting Telescope

In January 1610, Galileo Galilei pointed a crude optical tube at
Jupiter and saw four points of light that moved from night to night.
He had discovered the moons of Jupiter, and in doing so, demolished
the ancient belief that everything in the heavens orbits Earth. Within
months he observed the phases of Venus, the mountains of the Moon,
and the countless stars of the Milky Way. Astronomy would never be
the same.

But here’s what’s strange: Galileo’s telescope, by modern stan-
dards, was terrible. It had a tiny field of view—about half the di-
ameter of the Moon. Everything appeared with colored fringes. It
couldn’t magnify much beyond 30x without the image becoming
useless. How can an instrument that fundamentally changed our
understanding of the cosmos have been so flawed?

The answer reveals the difference between a revolutionary idea
and a perfected technology. The telescope’s principle was brilliant;
its execution was primitive. Understanding its limitations will show
us why astronomers spent the next century searching for something
better.

3.1 Two Lenses Make a Telescope

The simplest telescope uses two lenses. The objective lens—the one
pointing at the sky—gathers light and forms a real image. The eye-
piece acts like a magnifying glass, letting you examine that image up
close.

Galileo used a concave (diverging) lens as the eyepiece. This in-
tercepted the light before it reached the focal point, producing an
upright image. This “Galilean” design has the advantage of showing
things right-side-up, but severe disadvantages we’ll discuss shortly.

Johannes Kepler proposed an alternative in 1611: use a convex lens
for both objective and eyepiece. The objective forms a real, inverted
image; the eyepiece then magnifies this image. The Keplerian design

Figure 3.1: Galileo’s own sketches of
the Moon from Sidereus Nuncius (1610).
He drew what he saw through his 30x
telescope: mountains casting shadows,
craters, and a surface that was clearly
not the “perfect sphere” of Aristotelian
cosmology. These were among the first
scientific illustrations made through a
telescope.

’\\g/’
="
eyepiece

objective

Figure 3.2: Galilean telescope: a convex
objective lens would focus rays at f,,
but a concave eyepiece intercepts them
first, producing an upright image.
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shows everything upside-down, but it has a much larger field of view
and became the standard for astronomical telescopes.

image

eyepiece (fe)

U

objective (f,)
fo fe

You might say, “Why does the Keplerian have a larger field of
view?” The answer is geometric, and it comes down to where the
light goes. In the Keplerian design, all the light from the objective
converges to a real image first. The eyepiece is placed after this im-
age, where all the light passes through a small region regardless of
which part of the objective it entered. Your eye, placed at the “exit
pupil” just behind the eyepiece, can see the entire objective filled with
light. Any ray that made it through the objective makes it to your
eye.

In the Galilean design, the concave eyepiece intercepts converging
rays before they form an image. There is no real intermediate image,
and crucially, there is no exit pupil—no point behind the eyepiece
where rays from the entire objective converge. Light from off-axis
objects, entering the objective at an angle, gets bent toward where the
image would form, but the eyepiece catches it first. The trouble is that
off-axis light from one edge of the objective may miss the eyepiece
entirely, or pass through the eyepiece but miss your eye’s pupil.

The field of view is limited to a narrow cone, roughly the eyepiece
diameter divided by the telescope length—typically just half a degree
or less.

This is why Keplerian telescopes show a much wider field: they
create an exit pupil where all the light converges, while Galilean
telescopes progressively lose off-axis light.

3.2 How Magnification Works

Why does this arrangement magnify? The key is angular size.

When you look at the Moon with your naked eye, it spans about
half a degree—your eye intercepts light arriving at angles within
+0.25 of the Moon'’s center. This angular size determines how big the
Moon appears.

A telescope increases this angular size. If the Moon appears to
span M x 0.5 through the telescope, we say the magnification is M.

Figure 3.3: Keplerian telescope: the
objective lens forms a real image at its
focal point. The eyepiece, placed so that
the image is at its focal point, sends
parallel rays to the eye. The image is
inverted.

naked eye

—— )

—
=  |aP

with telescope

Figure 3.4: Magnification increases
angular size. Top: the naked eye sees
an object at angle 6. Bottom: a telescope
intercepts the light and outputs rays at
a larger angle M6.
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Let’s derive the magnification formula properly. The objective lens
collects parallel rays from a distant object and forms a real image
at its focal point. If the object subtends angle 6 at the objective, the
image has height:

h=fo-0 (3-1)

This is just geometry: for small angles, 1/ f, = tanf ~ 6.

Now the eyepiece acts as a magnifying glass, examining this im-
age. The eyepiece takes the image (at its focal point, since the tele-
scope is focused for infinity) and produces parallel rays that enter
your eye. Why at the focal point specifically? Because that produces
parallel rays, letting your eye relax completely as if looking at infin-
ity. If the image were closer to the eyepiece, the exiting rays would
diverge and your eye would have to accommodate (focus closer),
causing fatigue during long observations. The focus knob on a tele-
scope adjusts this: closer objects form images farther from the objec-
tive, so you move the eyepiece outward to keep the image at its focal
point.

The angle those rays make with the axis is:

h
o =_— 2
7 (3-2)
The angular magnification is the ratio of these angles:
0" _h/fe _fo
M = — = = — .

So for a simple refracting telescope:

_f
M 2 (3-4)

This result is elegant. The magnification is just the ratio of fo-
cal lengths—and it’s dimensionless (length divided by length), as it
should be for a ratio of angles. A long-focal-length objective produces
a large image at its focus. A short-focal-length eyepiece lets you ex-
amine that image closely. The image height h cancels out—it appears
in both numerator and denominator—leaving only the ratio of focal
lengths.

You might say, “Then why not use an eyepiece with a 1-mm focal
length and get 1000x magnification?” Because magnification alone
doesn’t help if the objective can’t resolve fine detail. Diffraction and
aberrations set a limit. Beyond about 2D magnification (where D
is the objective diameter in millimeters), you're just enlarging the
blur without revealing new detail—what astronomers call “empty
magnification.”
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3.3 Galileo’s Telescope: The Numbers

Galileo’s best telescopes had an objective lens of about 37 mm di-
ameter and perhaps 1200 mm focal length. His eyepiece had a focal
length of about 40 mm (and was concave, but the magnification for-
mula is similar). This gives:

1200 mm
Omm 30x (3-5)

Jupiter, which appears about 40 arcseconds across to the naked

M:

eye, would look like 20 arcminutes through Galileo’s telescope—
about two-thirds the apparent size of the Moon. Enough to see its
disk as a disk, and to notice tiny points of light nearby.

Table 3.1: Early refracting telescopes
grew longer to achieve higher magnifi-

Galileo (1610) 37mm 1.2m Jupiter’s moons cation while minimizing aberrations.

Huygens (1655) 57 mm 3.4 m Titan

Telescope D fo Discovery

Cassini (1675) vomm 10m Saturn’s gap
Dorpat (1824) 24cm  4.3m  Double stars

But 37 mm is a small aperture. The diffraction limit at visible
wavelengths (recall & = 1.22A/D from Chapter 1) is about 3.6
arcseconds—better than the eye’s 60 arcseconds, but not by a huge
margin. And as we’ll see, Galileo’s telescope couldn’t actually achieve
its diffraction limit because of chromatic aberration.

How bad was the chromatic blur? We can calculate it using the
formula we'll derive shortly: O, =~ D/(Vf). With D = 37 mm,

f =1200 mm, and V = 50 for 17th-century glass:

o _ 0087
blur = 50 % 1.2

That’s 2 arcminutes—about 35 times worse than the diffraction

~ 6 x 107 rad ~ 120 arcseconds (3.6)

limit. In fact, it’s twice the naked eye’s resolution of 60 arcseconds!
Galileo’s telescope couldn’t resolve finer angular detail than his un-
aided eye.

How then did it enable discoveries? Through magnification and
light-gathering. At 30X, Jupiter’s 4o0-arcsecond disk appeared as
large as the naked-eye Moon (30 arcminutes). The (37/7)? ~ 28-fold
increase in light collection revealed the four moons invisible to naked
vision. The images were blurred and fringed with color, but that
didn’t matter for the key observations—Galileo could detect things
that were there but previously invisible. His telescope was terrible at
resolution but revolutionary at revelation.

You might ask why Galileo didn’t simply make his telescope big-
ger. The answer involves both technology and physics. Seventeenth-
century glassmaking couldn’t produce large pieces of optical-quality
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glass without bubbles, striae, and composition variations that would
blur any image. And as we'll see, larger apertures make chromatic
aberration worse unless you compensate with impractically long
focal lengths. Galileo was working near the limits of what his tech-
nology permitted.

3.4 The Problem with Glass: Chromatic Aberration

Here’s the fundamental problem with refracting telescopes: glass
bends different colors by different amounts.

We saw that the refractive index n determines how much light
bends at a glass surface. But # isn’t a single number—it depends
on wavelength. Blue light (short wavelength) has a slightly higher
refractive index than red light (long wavelength), so it bends more.

Why Blue Bends More Than Red

You might say, “Why should wavelength matter? Isn’t glass just
glass?” The answer takes us to the quantum behavior of electrons in
atoms, and it’s beautiful.

Light is an electromagnetic wave, and as it passes through glass, it
shakes the electrons bound to atoms. These oscillating electrons re-
emit light, which interferes with the original wave in such a way that
the combined wave travels slower. That’s the origin of the refractive
index.

But here’s the key: not all colors interact equally with these elec-
trons.

Think about a child on a swing. If you push at random times, not
much happens. But if you push in rhythm with the swing’s natural
frequency—at resonance—even small pushes produce big oscilla-
tions. The same thing happens with electrons in atoms.

The electrons bound to atoms in glass have natural oscillation
frequencies, typically in the ultraviolet—shorter wavelength than
visible light. When visible light comes through, it’s trying to shake
these electrons at a frequency below their resonance. The electrons
respond, but not maximally.

Now the crucial point: blue light has a higher frequency than red
light. Blue is closer to the ultraviolet resonance of the electrons. So
blue light interacts more strongly with the electrons, causing more
re-emission, more interference, and effectively more slowing down.

We can write this quantitatively. The refractive index n(w) de-
pends on frequency roughly like:

n*(w) “1‘1‘722% (3-7)
]

37



38 TELESCOPES

where w; are the resonant frequencies of electrons in the material,
f;j are their oscillator strengths, and w is the frequency of the light.
When w < wj (visible light below UV resonance), this gives a pos-
itive contribution to 7. And the closer w gets to wj, the bigger the
contribution.

This is why npjye > 7igreen > 1ired- Blue light, with its higher
frequency, is closer to resonance and gets bent more.

You might say, “This seems like it would work for all transpar-
ent materials.” And you’d be right! Any material with electronic
resonances in the UV will bend blue more than red. This isn’t a pecu-
liarity of glass—it’s a fundamental consequence of how light interacts
with matter. The dispersion of a prism, the colors of a rainbow, and
the colored fringes around stars in early telescopes all share the same
underlying physics.

white light

blue green

red

chromatic spread

This means a simple lens doesn’t have a single focal length. It has
different focal lengths for different colors:

folue < fgreen < fred (3-8)

A star, which emits white light, doesn’t focus to a point. In-
stead, at the “best” focus position, you see a small disk with colored
fringes—blue on one side, red on the other. This is chromatic aberra-
tion, and it was the bane of early telescope makers.

3.5 The Abbe Number

The severity of chromatic aberration depends on the glass. Some
glasses disperse light (spread colors) more than others. This is quan-
tified by the Abbe number V:

nd—l

V= (3-9)

nf—nc
where 1y, nr, and nc are the refractive indices at specific standard
wavelengths.”

What does this formula really measure? The numerator (n; —
1) tells you how much the glass bends light overall—its refractive
power. The denominator (np — n¢) tells you how differently it bends
blue versus red—its dispersion. So the Abbe number is the ratio of
bending power to color-spreading power.

Figure 3.5: Chromatic aberration:

blue light (highest 1) focuses closest

to the lens, green in the middle, and
red (lowest 1) focuses farthest. A

star appears not as a point but as a
colored blur, with different color fringes
depending on where you focus.

* The subscripts refer to Fraunhofer
lines—dark absorption features in
the solar spectrum that Joseph von
Fraunhofer discovered around 1814.
The d-line is at 587.6 nm (yellow, from
helium), the F-line at 486.1 nm (blue-
cyan, hydrogen-beta), and the C-line
at 656.3 nm (red, hydrogen-alpha).
Using these standard wavelengths
lets glassmakers compare materials
precisely.
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High Abbe number means the glass bends light without spread-
ing colors much. Low Abbe number means it spreads colors like a
prism.

Table 3.2: Abbe numbers for various
optical materials. Higher V means

Crown glass 1.52 59 laei)sesr;iaifgrz:‘sion and less chromatic

Glass type ng V

Flint glass 1.62 36
Dense flint 1.75 28
Fluorite 1.43 95

Crown glass (V =~ 59) disperses less than flint glass (V ~ 36).
Fluorite (V ~ 95) is exceptionally good—its electronic resonances are
deeper in the UV than ordinary glass, so all visible wavelengths are
further from resonance. The interaction is weaker and more uniform
across the visible spectrum. This is why fluorite lenses are prized for
high-end camera optics, though fluorite is expensive, difficult to grow
in optical quality, and somewhat fragile.

Deriving the Chromatic Blur Formula

Let’s be quantitative about how bad chromatic aberration is. We need
to figure out the angular blur it creates.

First, what’s the spread in focal length? From the lensmaker’s
equation with fixed curvatures:

f:(n_D(R1_£;)mm_J) (3.10)

So for the fractional change in focal length:

Aanp—nc_ 1
F o1 v G-11)

This gives Af ~ f/V—the chromatic focal length spread.

Now, what angular blur does this create? Picture a lens of diame-
ter D. Rays from the edge of the lens converge toward the focal point.
If red focuses at distance f,.q but we're looking at a screen at the
green focus, the red rays form a disk instead of a point.

The geometry follows directly. A ray from the edge of the lens
makes an angle with the optical axis of approximately D/ (2f). If it's
aimed at f;oq but we're looking at a screen at distance f (shorter by
Af/2), the ray misses the axis by a distance proportional to (D/ f) x
Af.

The angular blur, as seen from the focal region, is:

D-A D A D 1
9blur’\’f2f:f‘ff:f'v (3.12)



40 TELESCOPES

Therefore:

D
eblur ~ W (3‘13)

This is the chromatic blur formula, and every piece tells a physical
story. The D in the numerator makes sense: a bigger aperture means
rays come from more extreme angles, so focusing errors create bigger
blurs. The V in the denominator captures the glass properties—
higher Abbe number means less dispersion, so colors stay closer to-
gether. And the f in the denominator explains why longer telescopes
help: longer focal length means gentler ray angles, so the same A f
creates smaller angular errors.

For a simple lens, a 1-meter focal length lens made of crown glass
produces color spread of about 17 mm—completely unacceptable for
sharp images.

3.6 The Cure: Make It Longer

The early telescope makers discovered an empirical rule: longer focal
lengths mean less color blur. We can now see why from our blur
formula.

For the chromatic blur to be smaller than the diffraction limit A/ D,
we need:

D A
= <= (3.14)
Vf D
Rearranging:
D2
f>v3 (3.15)

For a 10-cm objective (D = 0.1 m) in crown glass (V = 59) at

A =550 nm: )
(0.1)
f> 595550 x 109

Three hundred meters! That’s obviously impractical. Even for a

~ 310 m (3.16)

modest 50-mm objective, you'd need a focal length of 77 meters.

But wait—this calculation tells us what’s needed for diffraction-
limited imaging, where chromatic blur is smaller than diffraction. His-
torical astronomers settled for much less. This is why 17th-century
astronomers built “aerial telescopes” with focal lengths of 30, 50,
even over 100 feet. These were nowhere close to diffraction-limited—
Huygens'’s 123-foot (37.5 m) telescope with its 7.5-inch (190 mm)
aperture had chromatic blur about 30 times larger than its diffraction
limit. But that was still a dramatic improvement over shorter focal
lengths, enough to discover Saturn’s moons and observe planetary
features invisible to cruder instruments. The astronomers accepted
imperfect images because impractical perfection helps no one.

short focal length

long focal length

BGR
- »6 blur

Af
Figure 3.6: Same aperture, same Af
between colors, but longer focal length
means shallower ray angles. The
angular blur at the red focus (purple
lines) is much smaller for the long-f
lens.
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The objective lens was mounted on a tall mast, the eyepiece held
near the ground, with nothing connecting them but a cord for align-
ment. Observing was an athletic endeavor as much as a scientific
one.

You might say, “That sounds ridiculous. How could anyone aim
such a thing?” With great difficulty. Christiaan Huygens, observing
with a 123-foot aerial telescope, compared the experience to “trying
to thread a needle while riding a horse.” One contemporary observer
noted that more time was spent finding objects than observing them.
The slightest breeze could ruin an observation. It’s remarkable that
any discoveries were made at all.

3.7 The Achromatic Solution

The problem seems intractable: you can’t eliminate chromatic aber-
ration with a single lens, and making telescopes longer has practical
limits.

You might say, “Surely someone tried using only one color of
light?” They did. Astronomers sometimes placed colored filters in
front of the eyepiece. This reduced chromatic blur but threw away
most of the light—not ideal when you're trying to see faint objects.
The filter also made everything look red, or green, or whatever color
you chose. Not a satisfying solution.

The solution came from an unexpected direction. In 1733, Chester
Moor Hall realized that you could combine two lenses made of dif-
ferent glasses to cancel their chromatic aberrations. A converging lens
of crown glass paired with a diverging lens of flint glass can focus all
colors to the same point.

Deriving the Achromatic Condition

Here’s the logic, and it’s beautiful: use two lenses made of different
glasses, designed so their chromatic aberrations cancel while their
focusing powers add.

We have two glasses with different Abbe numbers, V; and V5.
Each lens has some optical power P = 1/ f (power in diopters). The
chromatic aberration of each lens—specifically, the spread in power
between blue and red—is proportional to P/ V.

Why? Because we showed that Af/f o 1/V. Since P = 1/f, we
have AP/Px1/V,so AP xP/V.

If we put two thin lenses in contact, their powers add: Py =
Py + P,. (Why? A ray bent by angle 6; at the first lens gets bent by an
additional 6; at the second. For thin lenses, the total bend is just the
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sum.) And their chromatic aberrations add too:

P D
APto’tal =APi+AP, = — + — (3'17)
Vi W
For an achromatic combination, we want zero net chromatic aber-

ration:

P P
v + v, 0 (3.18)

This is the achromatic condition. Let’s see what it requires.
For the sum to be zero, P; and P, must have opposite signs—one
lens converging, one diverging. The ratio must be:

P. V;
L=l (3.19)
b, Vo

Can we still have net positive power (a converging system)? The
total power is:
Piotal = P1 + P, (3-20)

USil’lg Pl = _P2V1/V2:

V; Vo, =V,
Ptotal:PZ (1+1> =P 2V !

A (3.21)

For Pyyta1 > 0, we need P, and (V, — V;) to have the same sign.

The standard solution: use crown glass (V; ~ 59, high Abbe
number) for a positive lens, and flint glass (V> ~ 36, low Abbe
number) for a negative lens. Since V; > V,, we have V, — V; < 0, so
we need P, < 0 (diverging flint lens) to get positive total power.

A Worked Example

Let’s put in numbers. Say we want a 100-cm focal length achromat
(Piotal = 1 diopter). With V; = 59 (crown) and V, = 36 (flint):
From P,/ Vi + P,/ V, = 0:

b = —Pz% =—Px % = —1.64P, (3.22)
From P; + P, = 1:
—1.64P, + P, =1 (3.23)
—0.64P, =1 (3-24)
P, =-156D (3.25)
Py = +256 D (3.26)

So the crown lens has f; = 39 cm (converging), and the flint lens
has f, = —64 cm (diverging). Together they give f = 100 cm with no
chromatic aberration!
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Well, almost. The achromatic doublet cancels chromatic aberra-
tion perfectly at two wavelengths (typically the F and C lines), but
there’s residual error at other wavelengths—the “secondary spec-
trum.” Why exactly two wavelengths? Because the Abbe number
V measures dispersion as if 1(A) were a straight line between the
F and C wavelengths—it captures the slope of the dispersion curve,
not the full curve. The achromatic condition P;/V; + P,/V, = 0
makes the total power curve flat (zero slope) across the visible range.
But real dispersion curves aren’t linear—they curve upward toward
blue, where electron resonances are closer. Where the straight-line
approximation touches the real curve, the achromat is perfect; else-
where, there’s residual error. The F and C lines are simply where the
approximation is exact by definition. At intermediate wavelengths,
especially in the blue-violet, the mismatch between the linear model
and curved reality produces the secondary spectrum.

For the most demanding applications, designers use three glasses
(apochromatic triplets) or exotic materials like fluorite. With three
elements, you can match not just the slope but also the curvature of
the dispersion, correcting at three wavelengths instead of two.

colors separate: Figure 3.7: Ray paths through an
blue closest to axis achromatic doublet. After the crown
lens, colors separate—blue (highest
n) bends most and travels closest to
the axis. The flint lens bends all rays
outward, again with blue bending most.
These opposite “excess blue bendings”
cancel, reuniting all colors at a common
focus.

The Physical Picture

Let’s visualize what happens inside the doublet.

The crown element (positive power) bends all rays inward—but it
over-bends blue relative to red. If used alone, blue would focus short.

The flint element (negative power) bends all rays outward—but it
also over-bends blue relative to red. Its high dispersion means blue
gets bent outward more than red.

Here’s the trick: the crown element’s “blue focuses short” ten-
dency is exactly canceled by the flint element’s “blue gets bent out-
ward more” tendency. The flint lens is too weak to cancel the overall
focusing, but it’s just dispersive enough to cancel the color spread.

Two wrongs make a right. The crown’s excess blue-bending in-
ward and the flint’s excess blue-bending outward cancel, leaving all
colors focusing together.
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John Dollond commercialized achromatic lenses in 1758, and re-
fracting telescopes suddenly became practical at manageable lengths.
An achromatic 10-cm refractor could be just a meter or two long
instead of hundreds of meters.

3.8 The Limits of Refractors

Even with achromatic lenses, refracting telescopes face fundamental
problems at large sizes:

1. Glass absorption: Light must pass through the glass. Even the
best optical glass absorbs a few percent of the light, and this adds
up in thick lenses. (This absorption is different from the coherent
re-emission that causes the refractive index. Re-emission slows
light but doesn’t diminish it. Absorption converts light energy
to heat, primarily through impurities and interactions with the
glass’s vibrational modes.)

2. Lens sag: A large lens can only be supported at its edge. Glass is
heavy and slightly flexible. A meter-wide lens sags under its own
weight, distorting the figure.

3. Chromatic residuals: An achromatic doublet cancels chromatic
aberration at two wavelengths perfectly, but there’s residual color
error at other wavelengths. This “secondary spectrum” becomes
significant for large apertures.

4. Homogeneity: The glass must be perfectly uniform throughout.
Any bubbles, striae, or composition variations will blur the image.
Making large pieces of flawless glass is extremely difficult.

The largest refracting telescope ever built—the 40-inch (1.02-meter)
refractor at Yerkes Observatory, completed in 1897—pushed against
all these limits. Its objective lens (a doublet) weighs about 225 kg
combined. The tube is 19 meters long. No one has built a larger
refractor since, because the problems become insurmountable.

The sag problem alone explains why refractors stopped at 40
inches. The central deflection of a disk supported at its edge scales
as D*—doubling the diameter increases sag sixteen-fold. The Yerkes
lens bends measurably as the telescope points to different elevations,
slightly degrading the image. A lens twice as large would sag sixteen
times more, making precision optics impossible without active cor-
rection. At that point, you might as well use a mirror, which can be
supported from behind.

You might say, “Someone should try modern glass technology—
surely we can do better now.” But the fundamental physics hasn’t

support

sag

support

1

gravity

Figure 3.8: A large lens supported at its
edge sags in the middle due to its own
weight, distorting the optical figure.



changed. The D* scaling is brutal and material-independent. A larger
lens still sags under gravity, still absorbs light, still has secondary
color errors. The 4o-inch represents a genuine physical limit, not a
failure of 19th-century technology. Sometimes nature says “this far
and no further.”

3.9 What Galileo Actually Saw

Let’s appreciate what Galileo accomplished despite his instrument’s
limitations.

As we calculated earlier, chromatic aberration limited Galileo’s
angular resolution to about 120 arcseconds—actually worse than the
naked eye’s 60 arcseconds. His telescope didn’t help him resolve finer
detail than he could see unaided.

But resolution isn’t everything. His telescope gathered (37/7)% ~
28 times more light than the dark-adapted eye, revealing stars too
faint for naked-eye visibility. And 30x magnification spread ob-
jects across a larger apparent angle, making small features easier to
perceive even when chromatic blur prevented true resolution. The
telescope was a revelation device, not a resolution device.

Callisto Europa

Ganymede Io

<>

~ 40//

When Galileo observed Jupiter, he saw a disk—not a point like a
star—and four faint points nearby that moved. Over several nights,
he realized these points were orbiting Jupiter. This was revolutionary:
not everything orbited Earth.

When he turned his telescope to the Moon, he saw mountains
casting shadows. The Moon was a world with terrain, not a perfect
celestial sphere.

When he observed the Milky Way, he resolved it into “a mass of
innumerable stars planted together in clusters.” What appeared as
diffuse glow to the naked eye was revealed as countless individual
stars too faint and close together for the eye to separate.

3.10 A Philosophical Aside
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Image not found:
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Figure 3.9: Galileo’s own records of
Jupiter’s moons from Sidereus Nuncius.
Each row shows Jupiter (the large
circle) and the positions of its moons on
successive nights in January 1610. The
moons’ changing positions proved they
were orbiting Jupiter—not everything
revolved around Earth.

Figure 3.10: Jupiter and its four large
moons as Galileo might have seen them.
Jupiter’s disk is easily resolved; the
moons appear as points of light whose
positions change from night to night.

Think about what Galileo’s discoveries did to human self-conception. Before the telescope, it was easy to believe Earth
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was the center of creation—everything in the sky seemed to revolve around us. Galileo’s Jupiter showed that other
worlds had their own moons, their own systems. His stars in the Milky Way suggested the universe was vastly larger
and more populous than anyone had imagined. And Venus'’s phases proved it orbited the Sun, not Earth.

The Church, of course, hated this. Not because the theology was really at stake—you can read the Bible without con-
cluding that Earth must be the physical center of the universe. But the Church had spent centuries building an in-
tellectual edifice that happened to include Aristotelian cosmology, and they’d grown rather attached to it. When the
evidence showed their cosmology was wrong, they chose to suppress the evidence rather than update their beliefs. They
put Galileo under house arrest and banned his books.

This is worth remembering. The most important scientific instrument of its age was invented by people the authorities
wanted to silence. The conflict wasn’t really about religion versus science—it was about power and the discomfort

of being proved wrong. Institutions don’t like being proved wrong. When your theory fails, the honorable thing is to
abandon it. The Church chose the dishonorable path, and we should say so plainly.

The universe revealed by telescopes turned out to be far more interesting than the tiny cosmos of the ancients. The
trade-off wasn’t bad at all—unless you were one of the people who’d staked your reputation on the old picture.

3.11 Looking Ahead

The refracting telescope opened the heavens to humanity, but it had
severe limitations: chromatic aberration required either very long
focal lengths or complex multi-element designs, and even then, large
apertures were impractical.

Isaac Newton, frustrated by these problems, invented a different
approach: instead of bending light through glass, reflect it from a
curved mirror. Mirrors don’t have chromatic aberration at all. This
insight launched the era of reflecting telescopes, which we’ll explore
in the next chapter.
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The Reflecting Telescope

Isaac Newton, frustrated by chromatic aberration, built a telescope
using a curved mirror instead of a lens in 1668. His instrument was
only 6 inches long with a 1.3-inch mirror, yet it produced sharper
images than refractors ten times larger—images free of the colored
halos that plagued even the best lenses. For detecting faint stars,
those refractors still won; their glass transmitted far more light than
speculum metal reflected.” But for revealing fine detail—resolving
double stars, seeing planetary features—Newton’s tiny mirror was
revolutionary. A mirror, it turns out, has a tremendous advantage:
reflection doesn’t depend on wavelength. All colors focus to the same
point.

But if mirrors are so superior, why did it take astronomers an-
other century to adopt them widely? You might say, “The physics is
obvious—Newton figured it out in 1668. What took so long?” The
answer lies in the interplay between physics and technology. The
principle was perfect; the materials were terrible.

4.1 Why Mirrors Don’t Have Chromatic Aberration

The law of reflection is simple: the angle of incidence equals the
angle of reflection.

t; = 0, (4.1)

There’s no refractive index, no Snell’s law, no dispersion. A mir-
ror treats red light and blue light identically. Why? Reflection from
metals involves free electrons, which respond to whatever frequency
arrives without any resonance at specific wavelengths. Unlike glass,
where molecular resonances create the wavelength-dependent bend-
ing that causes dispersion, metal electrons simply oscillate at the
incoming frequency and re-radiate.?

This means a curved mirror can focus all colors to the same point.
No chromatic aberration—all wavelengths behave the same way.

* A speculum mirror reflected about
60% of incident light, and the New-
tonian design requires two reflections
(primary and secondary), giving only
36% total throughput. A crown glass
lens transmits about 92%. For equal
apertures, refractors collected 2.5 times
more photons.

Figure 4.1: Newton’s original reflecting
telescope (1668), or a contemporary
replica. The brass tube is only 6 inches
long. A spherical mirror at the bottom
reflects light to a flat diagonal mirror,
which directs it to an eyepiece on the
side. This design avoids the long tubes
needed by refractors and eliminates
chromatic aberration entirely.

: norma,

Figure 4.2: Reflection obeys a simple
law that doesn’t depend on wavelength.
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Newton understood this after his prism experiments. In his 1672
paper describing those experiments, he wrote: “I understood that the
Object-glass of any Telescope cannot collect all the Rays which come
from one point of an Object so as to make them convene at its focus
in less room than in a circular space, whose diameter is the 5oth
part of the Diameter of its Aperture.” He was saying that chromatic
aberration fundamentally limits lens telescopes, and he turned to
mirrors as the solution.

Newton'’s conclusion was correct for single lenses, but he went
further—declaring that no combination of lenses could solve the
problem. Here he was wrong. He had tested water and glass, finding
both dispersive, and assumed that all transparent materials spread
colors in the same ratio. In fact, different glasses have different dis-
persion curves. Chester Moor Hall discovered this in 1733, combining
crown and flint glass to create achromatic doublets that largely can-
celed chromatic aberration. Newton’s physics was right; his general-
ization from limited data was premature. Still, achromats never fully
eliminated the “secondary spectrum,” and mirrors remain the only
truly color-free solution.

4.2 The Parabolic Mirror

What shape should a telescope mirror be? The answer is a paraboloid—
a surface formed by rotating a parabola around its axis. But why

a parabola? The answer is beautiful, and it falls directly out of the

wave nature of light.

Deriving the Parabola from Equal Path Lengths

Light is a wave. When waves from a distant star arrive at your tele-
scope, they’ve been traveling for years, decades, maybe millions

of years—but they’ve all been traveling together, their crests and
troughs aligned. We say they’re “in phase.”

If these waves are going to arrive at the focus in phase (so they
interfere constructively and make a bright spot), they all need to
travel the same total distance from some reference plane to that focus.
This is Fermat’s principle at work: light follows paths of equal time,
and in a uniform medium, equal time means equal distance.

Let’s set up coordinates. Put the focus at the origin. Let the incom-
ing rays travel parallel to the y-axis, coming from above. The mirror
surface is some curve y = f(x).

A ray hits a reference plane at some height y = H (the same for all
rays, since the plane is flat). It travels down to the mirror at position
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(x, f(x)), then reflects to the focus at (0,0). The total path length is:

L= (H~—f(x))+/x2+ f(x)? (4.2)

For this to be the same for all x, we need:
H — f(x) 4+ y/x*+ f(x)? = constant (4-3)

Rearranging:
X2 4 f(x) = flx) +d (4.4

where d is some constant. The left side is the distance from point
(x, f(x)) to the focus. The right side is the distance to a horizontal
line at y = —d.

This is the definition of a parabola: the set of all points equidistant
from a point (the focus) and a line (the directrix). The directrix is just
a reference line parallel to the parabola’s opening; it sits at distance
f below the vertex, where f is the focal length. The focus sits at dis-
tance f above the vertex. Any point on the parabola is equally far
from both.

Figure 4.3: A parabolic mirror focuses
all parallel rays to a single point.
This is a geometric property of the
parabola: all paths from a reference
f plane perpendicular to the axis to
the focus have equal length, ensuring
directrix constructive interference.

The standard parabola with focus at (0, f) and directrix at y = —f

is:
x2 = 4fy (4-5)

You can verify that every point on this curve is equidistant from
the focus and directrix. The parabola is the unigue shape that brings
all parallel rays to a single point—not approximately, but exactly,
provided those rays are parallel to the axis. Light from a star directly
overhead focuses perfectly; light from a star off to the side does not.
We'll return to this crucial caveat when we discuss coma. For now,
note that the parabola’s perfection is for on-axis light only.

Why a Sphere Doesn’t Work

Spheres are much easier to make than parabolas. A sphere has con-
stant curvature everywhere; you can test it by sliding it against an-
other sphere. Can’t we just use a sphere and call it close enough?
Let’s find out. For a spherical mirror with radius of curvature R,
rays near the axis focus at distance R/2 from the mirror. But rays
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hitting the edge focus closer. The deviation grows as:

h2
Af ~ af (4.6)
where £ is the height at which the ray hits the mirror and f = R/2 is
the focal length.

Why ©?? The scaling is inevitable from symmetry. The aberration
must vanish on-axis (# = 0), and a ray at height +h must behave
identically to one at —h. Any even function starting from zero begins
with h2. The coefficient 1/(4f) comes from geometry: the sphere
curves too steeply compared to the parabola, and this over-curvature
grows with distance from the axis. Marginal rays “see” a surface
tilted slightly inward, crossing the axis too close to the mirror.

For a mirror with diameter D = 1 meter and focal length f = 5

meters: ( )2
0.5
Af = x5 12.5 mm (4-7)

Twelve millimeters! The edge rays miss the focus by over a cen-

timeter. The blur on the focal plane is about 1.25 mm—while the
diffraction-limited spot size is only 3 micrometers. Spherical aberra-
tion is 400 times larger than the diffraction limit.

This is why parabolas matter. A sphere is an approximation that
works only for small apertures or long focal lengths (high f-ratios).
For mirrors with f-ratio greater than about 10, spherical aberration
is small, and early reflectors often used spherical mirrors for this
reason. But for the fast, wide-field systems used today, paraboloids
are essential—and we’'ll see shortly why “fast” and “wide-field”
make things so much harder.

You might ask: why not just build slow telescopes and avoid the
trouble of parabolas? Consider a 4-meter mirror at f/10. The tube
would be 40 meters long—the height of a 12-story building. The
dome would be vast, the structure wind-sensitive, and the cost as-
tronomical. Modern astronomy demands large apertures in compact
packages. Parabolas are the price we pay.

You might say, “How hard can it be to make a parabola instead of
a sphere?” Very hard, as it turns out. A sphere has constant curva-
ture everywhere; any small patch looks like any other. A parabola
has curvature that varies from center to edge. You can check a sphere
by sliding it against another sphere, but testing a parabola requires
more sophisticated methods.

4.3 Newton’s Design

Newton's telescope used a concave primary mirror to gather light
and focus it. But here’s a problem: where do you put your eye? If

blur
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Figure 4.4: A spherical mirror exhibits
spherical aberration: edge rays focus
closer than center rays.



you put it at the focus, your head blocks the incoming light.

Newton'’s solution was elegant: place a small flat mirror at 45°
inside the tube to deflect the converging beam out the side, where an
eyepiece can be mounted without blocking the aperture.

©
[ eyepiece
)

secondary

primary

This Newtonian design is still popular with amateur astronomers.
It’s simple, has no chromatic aberration, and puts the eyepiece at a
convenient position.

4.4 The Cassegrain Alternative

A different design, proposed by Laurent Cassegrain in 1672, uses a
convex secondary mirror to reflect light back through a hole in the
primary mirror.

Why must the secondary be convex? The primary is converging
light toward its focal point. The secondary intercepts this converging
beam before focus and must slow the convergence, extending the
focal point backward through the hole. A convex (diverging) surface
does this—like a Barlow lens, it takes a converging cone and reduces
its rate of convergence. A concave secondary would accelerate con-
vergence, bringing the light to focus in front of itself, exactly where
the incoming beam is traveling. You couldn’t access the focal plane
without blocking the light.

The Cassegrain has advantages for large telescopes: the eyepiece
(or camera) is at the back of the tube, which is structurally conve-
nient for mounting heavy instruments. The secondary mirror also
multiplies the effective focal length, giving high magnification in a
compact tube.

Most large modern telescopes use variations on the Cassegrain
design.
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Figure 4.5: The Newtonian telescope. A
parabolic primary mirror focuses light;

a flat secondary mirror deflects it to an

eyepiece on the side of the tube.

secondary

primary

Figure 4.6: Cassegrain telescope. Light
reflects from a concave primary to a
convex secondary, then through a hole
to the eyepiece behind the primary.
The secondary must be convex to
intercept the converging beam from the
primary and re-direct it back through
the central hole while maintaining
focus—a concave secondary would
focus the light in front of itself.
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4.5 The Trouble with Speculum

If mirrors are so great, why didn’t they immediately replace lenses?
The problem was materials.

Newton made his mirror from speculum metal—an alloy of cop-
per and tin that could be polished to a reflective surface. But specu-
lum had serious problems:

* Low reflectivity: Speculum reflects only about 60% of incident
light. The rest is absorbed.

* Tarnishing: The surface oxidizes in air, losing reflectivity. Mirrors
needed frequent re-polishing.

® Weight: Speculum is dense. Large mirrors were extremely heavy.

* Thermal expansion: The metal expands and contracts with tem-
perature, distorting the shape.

Because of tarnishing, observatories with speculum mirrors often
kept two mirrors and rotated them: one in the telescope, one being
re-polished. William Herschel, who built the largest telescopes of the
late 18th century, sometimes abandoned a night’s observing because
his mirror had tarnished too much to be useful.

You might say, “Why not just keep the mirror in a sealed case
when not in use?” Herschel tried that. The problem is that a cold
mirror in warm air collects dew, which makes things worse. And
even sealed, the mirror slowly oxidizes. There was no good solution
with the materials available. Herschel simply accepted that he was in
a perpetual arms race with chemistry.

Herschel’s famous 48-inch telescope, completed in 1789, had a
speculum mirror weighing about half a ton. It was so heavy and
awkward that the telescope was difficult to use, and Herschel often
preferred his smaller instruments.

4.6  The Silver Revolution

The breakthrough came in 1856-1857, when Carl August von Stein-

heil and Léon Foucault independently developed a method to deposit

a thin layer of silver on glass.

Glass is an excellent material for telescope mirrors: it’s rigid,
dimensionally stable, and can be ground and polished to precise
shapes. The problem was that glass itself isn’t reflective. Silver coat-
ing solved this.

Material Reflectivity
Speculum (fresh) 60-66%
Speculum (tarnished) 40-50%
Silver (fresh) 95%
Aluminum (fresh) 88%

Table 4.1: Reflectivity of telescope
mirror materials at visible wavelengths.
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The Glass Coincidence

Let us pause to appreciate a remarkable coincidence: we use glass for
both refractor lenses and reflector substrates, but for completely dif-
ferent reasons. In a refractor, glass is the optical element itself—light
bends as it passes through, and the glass’s refractive index deter-
mines the focal length. In a reflector, glass is merely a structural sup-
port. Light never enters the glass; it bounces off the metallic coating
on the surface.

Why glass in both cases? For refractors, glass happens to be one
of the few materials that is transparent, homogeneous, and can be
polished to optical quality. For reflectors, glass happens to have low
thermal expansion, can hold a precise figure, and accepts metal-
lic coatings well. These are independent properties that just hap-
pen to coincide in the same material. We could imagine a universe
where the best lens material was useless for mirror substrates, or vice
versa—but in our universe, glass works beautifully for both, which
surely accelerated the development of both technologies.

The silver coating process involved chemical reduction of silver
nitrate onto a carefully cleaned glass surface. The resulting silver
film was thin—just a few hundred nanometers—but highly reflective
(about 95%).

Silver-on-glass mirrors transformed telescope building;:

® Much higher reflectivity meant fainter objects could be seen.
¢ Glass was lighter than speculum for the same size.

* When the coating tarnished, it could be stripped off and reapplied
without regrinding the mirror.

¢ Glass has lower thermal expansion than metal.

By the 1870s, silvered-glass reflectors had become the standard.
The 72-inch Leviathan of Parsonstown (1845), one of the last great
speculum telescopes, was soon surpassed by smaller but more effec-
tive silvered-glass instruments.

4.7 Modern Mirror Coatings

Silver tarnishes in air, developing a yellow-brown sulfide layer. For
this reason, modern telescope mirrors usually use aluminum instead,
deposited by vacuum evaporation.

Aluminum forms a thin, transparent oxide layer (alumina) that
protects the metal beneath. Aluminum mirrors can last years between
recoatings, compared to months for silver.

53
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aluminum coating

~100 nm

glass substrate ~cm to m

The reflectivity of aluminum (about 88%) is slightly lower than
silver, but the durability usually makes it worthwhile. For infrared
astronomy, gold coatings are sometimes used because gold has excel-
lent infrared reflectivity.

When does the 7% difference between aluminum and silver mat-
ter? For a single-mirror system observing relatively bright objects,
aluminum’s multi-year durability outweighs its penalty—you observe
every clear night instead of fighting tarnish. But for systems with
multiple reflections, losses compound: four aluminum reflections
give 0.88* = 60% throughput versus 0.95* = 81% for silver. Instru-
ments inside climate-controlled enclosures, or space telescopes that
cannot be recoated, may justify silver or protected silver (silver with
dielectric overcoats that approach 96% reflectivity with multi-year
lifetimes).

4.8 Figuring a Mirror

Making a telescope mirror isn’t just about reflectivity—the shape
must be extraordinarily precise.

For a diffraction-limited image, the mirror surface must not devi-
ate from the ideal shape by more than about A/4—a quarter wave-
length of light. For visible light, that’s about 140 nanometers, or
roughly 1/500 the thickness of a human hair.

Why the Quarter-Wave Rule?

Where does the A/4 tolerance come from? The wave nature of light
makes this inevitable.

Imagine the mirror has a small bump of height h. Light reflecting
from that bump travels an extra distance of 2 (out and back) com-
pared to light from the surrounding surface. This puts the reflected
wave out of phase with the rest.

If the bump has height A/4, the round-trip path difference is A /2.
Light from the bump is half a wavelength out of phase with light
from the unbumped region. Half a wave out of phase means the elec-
tric fields point in opposite directions. They interfere destructively—
they start to cancel.

Lord Rayleigh worked this out in the 1870s. His criterion: image

Figure 4.7: A modern telescope mirror:
thick glass for structural rigidity, thin
aluminum coating for reflectivity. The
coating is about 100,000 times thinner
than the glass.
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quality remains acceptable if the wavefront error is less than A /4.
Beyond this, the light begins to interfere destructively with itself, and
the image degrades.

More precisely, if the peak-to-valley surface error is less than A/4, actual
the Strehl ratio (the ratio of peak intensity to what you’d get with <A/4 [ ideal
a perfect mirror) stays above about 80%. That’s the threshold for
“diffraction-limited” performance. Figure 4.8: The mirror surface must
For visible light (A ~ 550 nm): match the ideal shape to within a
fraction of a wavelength. A surface
550 nm error of A /4 produces a path difference
surface error < 1 ~ 140 nm (4.8) of A/2, causing destructive interference.

One hundred forty nanometers—about a thousand times smaller
than the width of a red blood cell, and roughly a few hundred atomic
layers. This is why mirror-making is an art: you must control the
shape to within a fraction of a wavelength across a surface meters
wide.

Testing to Such Precision

How do you test a surface to such precision? Léon Foucault invented
a simple but powerful method in 1858. A point source of light at
the mirror’s center of curvature reflects back on itself. A knife edge
moved across the returning beam casts shadows that reveal surface
errors with exquisite sensitivity.

The principle is elegant: a surface bump causes rays to con-
verge slightly off the nominal focus. The knife edge acts as a binary
threshold—rays either pass or don’t. A tiny slope error (nanometers
of height change across millimeters of surface) becomes a focal dis-
placement of micrometers. The knife edge converts this displacement
into stark shadow boundaries. It’s an optical lever, with amplification
of thousands. Bumps too small to see directly cast obvious shadows,
and the optician literally sees where to polish next—bright regions
slope one way, dark regions slope the other.

Modern mirrors are tested interferometrically, comparing the
reflected wavefront against a perfect reference. Computer-controlled
polishing machines can correct errors down to a few nanometers.

4.9 The Scaling Problem

Making a small mirror accurate to A/4 is one thing. Making a 10-
meter mirror that accurate is quite another.
Several problems emerge at large sizes:

1. Weight: A solid glass disk 10 meters across and thick enough to
be rigid would weigh hundreds of tons.
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2. Thermal equilibrium: A massive mirror takes hours to reach
thermal equilibrium with the night air. Until it does, temperature
gradients distort its shape.

3. Gravitational distortion: As the telescope points to different parts
of the sky, gravity pulls on the mirror from different directions,
bending it.

4. Wind: Large mirrors act like sails. Wind pressure distorts them.

Quantifying Gravitational Distortion

How much does gravity actually bend a mirror? Let’s calculate.

For a circular plate of radius a, thickness f, density p, and Young's
modulus E, supported at its edge, the central deflection under its
own weight (when horizontal) is approximately:

3pga*(1—12
N it 49
where v is Poisson’s ratio. The formula makes physical sense: de-
flection grows with size (a*—larger plates sag more), shrinks with
thickness (tz—thicker plates are stiffer), and shrinks with stiffness
(E).

For a 4-meter mirror made of borosilicate glass (o = 2200 kg/m?,
E = 64 GPa, v = 0.2) that is 0.6 m thick:

5 32200 x 10 x 2 x 0.96
T 16 x 64 x 10° x 0.36

~ 2.5 micrometers (4.10)

Two and a half micrometers—that’s 2,500 nanometers, about 18
times the A /4 tolerance. And this is for a thick mirror.

The 200-inch (5-meter) Hale Telescope mirror at Palomar is only
about 60 cm thick, despite being 5 meters across. Without its internal
honeycomb structure and elaborate support system of 36 pads to dis-
tribute the load, the gravitational deformation would be catastrophic.

For modern thin-meniscus mirrors (like the 8-meter Gemini tele-
scopes), the glass is only about 20 cm thick. Without active support,
the deformation would be hundreds of wavelengths. These mirrors
float on a bed of computer-controlled actuators that push and pull to
maintain the correct shape as the telescope tilts.

You might ask: if actuators can correct deformations of thousands
of nanometers, why does the A/4 tolerance matter at all? The answer
lies in what actuators can’t fix. Gravitational sag is predictable—the
control system knows which way the telescope points and can cal-
culate exactly how to compensate. But actuators are spaced tens
of centimeters apart. They correct large-scale, smooth deforma-
tions. Small-scale errors—random bumps and ripples frozen into
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the glass during polishing, with wavelengths smaller than the actua-
tor spacing—cannot be corrected. Those intrinsic figuring errors must
still meet the A /4 tolerance through careful polishing. Active optics
handles the predictable; traditional figuring handles the random.

Quantifying Wind Effects
Wind pressure on a mirror surface is:
1
P = 2 puirt” (4.11)
For a gentle 5 m/s breeze (p,ir ~ 1.2 kg/m3):

P= % x 1.2 x25=15Pa (4.12)

For a clamped circular plate under uniform pressure, the central

deflection is:
5= 3Pa*(1—12)
~ 16Ef3

Notice the #* in the denominator, compared to > for gravitational

(4.13)

deflection. The difference: gravity’s load is the mirror’s own weight,
which scales with thickness t. Wind pressure is external—it doesn’t
care how thick the mirror is. So for gravity, deflection scales as /1> =
1/#2 (stiffness wins over self-weight). For wind, deflection scales as
1/#3 (stiffness fights a fixed load).

Using our 4-meter mirror parameters, this gives about 3 nm—
safely below the A/4 tolerance for a gentle breeze.

But a 20 m/s gust (45 mph) gives 16 times more pressure, hence
about 50 nm of deflection. Still below tolerance, but uncomfortable.
And wind pressure fluctuates rapidly—on timescales of fractions of
a second. If the mirror wobbles faster than your exposure time, the
image blurs. This is why modern observatories have sophisticated
dome ventilation systems and wind screens around the mirror.

We'll see in Chapter 8 how modern telescope builders overcome
these problems with lightweight honeycomb structures, active sup-
port systems, and segmented mirrors.

4.10  Why Fast and Wide-Field Systems Are Hard

We’ve established that parabolas bring all parallel rays to a single
point—but there’s a catch. They only do this for rays parallel to the
axis.

Light from a star directly in front of the telescope (on-axis) fo-
cuses perfectly. But what about a star a little off to the side? Those
rays come in at a slight angle, and for a parabolic mirror, off-axis

57
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rays don’t all meet at a point. They form an aberrated image called
“coma” (from the Greek for “hair”) because the star image develops
a comet-like tail.

The size of the coma blur, for a star at angle 6 off-axis, is approxi-

mately:

30
comar ————— (4-14)

16(f/D)?

where f/D is the f-ratio. The linear dependence on 0 is intuitive:
coma vanishes on-axis and grows smoothly as you tilt away. But why
(f/D)~2? Fast mirrors (low f/D) have wide cones of converging
rays. Light from the mirror’s outer zones makes a large angle with
the optical axis as seen from the focus. When starlight arrives tilted,
different zones of the mirror “see” the tilt differently, and the wider
the cone, the more these differences accumulate. The geometric am-
plification scales as (D/ f)2.

Let us work through an example. For a fast telescope with f/D =
2 and a star just 1 arcminute off-axis (6 = 3 x 10~ radians):

3x3x107*
coma ~ “exa  ~ 3 arcseconds (4.15)

Three arcseconds of blur from a star only one arcminute from cen-
ter! Good atmospheric seeing is about 1 arcsecond, and the diffrac-
tion limit for a 4-meter telescope is 0.03 arcseconds. Coma completely
dominates.

This is why “fast” (low f-ratio) and “wide-field” qualify each
other as challenges. A slow telescope (high f-ratio) has much smaller
coma—it scales as the inverse square of f-ratio. An f/10 telescope
has 25 times less coma than an f/2 telescope. But slow means long,
and long means expensive and structurally challenging.

The solution is more complex mirror shapes. A parabola is opti-
mized for on-axis light, but a hyperbolic primary with a hyperbolic
secondary (the Ritchey-Chrétien design) can cancel coma. The Hub-
ble Space Telescope uses this design. Wide-field survey telescopes
like the Vera Rubin Observatory go even further, with multiple mir-
rors and corrector lenses to keep images sharp across fields several
degrees wide.

4.11  The Obstruction Problem

One disadvantage of reflecting telescopes is that the secondary mirror
blocks some of the incoming light. A Newtonian’s diagonal mirror,
or a Cassegrain’s convex secondary, sits right in the middle of the
incoming beam.

This obstruction does two things:
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1. Reduces light-gathering power (typically by 5-15%).

2. Modifies the diffraction pattern, reducing contrast. For a central
obstruction blocking 15% of the area, the first diffraction ring
brightens by roughly 30%, making it harder to see faint features

unobstructed obstructed

near bright stars. Figure 4.9: Central obstruction from

the secondary mirror modifies the
For most astronomical work, this isn’t a serious problem. But for diffraction pattern—the characteristic
ring structure (Airy pattern) that any
telescope produces due to the wave
bright stars—the secondary obstruction matters. nature of light. Obstruction puts more

You might say, “Why not just make the secondary really small?” light into the rings and reduces the
contrast of the central peak.

applications requiring high contrast—like imaging planets next to

You can, but there’s a trade-off. A smaller secondary vignettes the
outer parts of the field of view and limits the range of eyepieces you
can use. For visual observation, a 15—20% obstruction is common. For
high-contrast imaging, astronomers sometimes use off-axis designs or
put up with the limitations of small secondaries.

Some specialized designs avoid central obstruction entirely. “Off-
axis” telescopes use only part of a parabolic mirror, directing light to
a focus outside the incoming beam. These are more complex to build
but have pristine diffraction patterns.

4.12 A Note on History

The transition from refractors to reflectors wasn’t smooth or complete. For over a century after Newton, the best
observations were still made with refractors, because mirror technology lagged behind lens technology.

William Herschel’s great reflectors of the 1780s changed this balance. His 6.2-inch telescope discovered Uranus in
1781, his later 18.7-inch and 48-inch instruments discovered two of Saturn’s moons. But his instruments were diffi-
cult to use and maintain, and after his death in 1822, the technology stagnated.

The silvered-glass revolution of the 1850s—1870s finally tipped the scales. The 72-inch Leviathan at Parsonstown
(1845) was the largest telescope for decades, but its speculum mirror limited its effectiveness. The smaller 60-inch

at Mount Wilson (1908), with its silvered-glass mirror, proved far more scientifically productive. The 20th century
belonged to reflecting telescopes, culminating in the 5-meter Hale Telescope (1948) and eventually the 10-meter Keck
telescopes (1993).

Today, no serious optical/infrared observatory would build a large refractor. The physics that Newton understood
after his prism experiments—that mirrors avoid chromatic aberration—eventually won out. It just took 200 years of
materials science to catch up.

4.13 Looking Ahead

We’ve seen that reflecting telescopes avoid the fundamental problem
of chromatic aberration. With modern coatings, they can achieve high
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reflectivity. With careful figuring, they can reach the diffraction limit.

But there’s another limit we haven’t discussed: the atmosphere.
Even a perfect 10-meter telescope, pointed at the clearest sky, cannot
achieve its diffraction-limited resolution of 0.01 arcseconds. Earth’s
atmosphere blurs the image to about 1 arcsecond—no better than a
10-centimeter telescope.

In the next chapter, we’ll explore this atmospheric limit and under-
stand why even the finest mirror can’t escape the sky’s turbulence.
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Fundamental Limits

You might think that building a bigger telescope always gives you
better resolution. Double the diameter, halve the angular blur. The
diffraction formula 6 = 1.22A /D promises this.

But try this with a telescope on Earth, and you hit a wall at about
1 arcsecond—regardless of how big you make the mirror. On the
best nights, at the best sites, you might reach 0.4 arcseconds. A 10-
meter telescope performs no better than a 25-centimeter telescope for
resolution.

Where is all that collecting area going? And why do astronomers
spend billions putting telescopes in space when they could build
them for a fraction of the cost on mountaintops?

5.1 The Atmosphere as a Lens

Earth’s atmosphere isn’t optically uniform. The air’s refractive index
depends on temperature and density, both of which vary from place
to place and moment to moment. Warm air has a lower refractive
index than cold air. As light from a star passes through the atmo-
sphere, it encounters pockets of air at different temperatures, each
bending the light slightly differently.

The result is that the wavefront arriving at your telescope isn’t flat
anymore. It's wrinkled, distorted by all the random refractions along
the way. Different parts of your telescope aperture receive light that
has traveled different optical paths, and the phase differences blur the
image.

This is astronomical seeing—the blurring of images caused by at-
mospheric turbulence. It’s why stars twinkle. It's why large ground-
based telescopes can’t reach their diffraction limit.

starlight

. |
straight ‘
|

warm/ cool

|
bent "
‘ air cells

Figure 5.1: Starlight passing through
turbulent atmosphere is randomly
deflected. Warm and cool air cells have
different refractive indices, bending
light unpredictably.
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5.2 From Temperature to Refractive Index

Let’s be quantitative about what the atmosphere does to light. The
refractive index of air—how much it slows down light compared to
vacuum—depends on its density. At sea level and room temperature,
the refractive index is about n = 1.000293 for visible light. That’s
almost exactly 1, which is why we usually ignore air’s optical effects.
But “almost” isn’t quite good enough when you're trying to form
sharp images.

Air density depends on pressure and temperature through the
ideal gas law. At constant pressure, higher temperature means lower
density. The refractive index deviation from unity is proportional to
density:

P
n—1=x776x 10_6T (5.1)

where P is in millibars and T in Kelvin.

If temperature varies by AT, the refractive index varies by:

AT
AM=~—(n—1)— (5.2)
T

A temperature fluctuation of just 1 K at 288 K creates An =~ 107°.
That seems tiny, but light from a star passes through perhaps 10
km of turbulent atmosphere. Even tiny refractive index variations,
accumulated over that path, wrinkle the wavefront substantially.

5.3 The Fried Parameter

How bad is the atmosphere? David Fried quantified this in 1966 with
a parameter now called r( (or the Fried parameter). It represents
the diameter of a circular area over which the wavefront remains
reasonably coherent—flat enough for a good image.

The physics behind ) comes from Kolmogorov’s theory of turbu-
lence. Let me trace through the chain of reasoning.

From Velocity to Phase: The Kolmogorov Cascade

In turbulent flow, energy is injected at large scales (by wind, convec-
tion, etc.) and cascades down to smaller scales until it dissipates as
heat. Kolmogorov’s key insight was that in the “inertial range”—
scales between the injection scale and the dissipation scale—the
statistics depend only on the energy cascade rate € (energy per unit
mass per unit time).

By dimensional analysis, the only way to build a velocity from e
and a length scale r is:

Av ~ (er)!/? (53)
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This gives the velocity structure function—the mean-squared veloc-
ity difference between points separated by r:

Do(r) = ([0(F) = 0(Z+ 7)) o 1?7 (5-4)

Temperature in the atmosphere is stirred by this turbulent veloc-
ity field. It's a “passive scalar”—carried along by the flow without
affecting the flow’s dynamics. Because temperature fluctuations are
simply advected and mixed by the turbulent eddies, they inherit the
same statistical structure. Kolmogorov and Obukhov showed that
passive scalars follow the same 2/3 power law:

Dr(r) = ([T(%) = T(X +7)]*) o< r*/? (5:5)

Since the refractive index of air depends on temperature (Section
2), refractive index fluctuations follow the same statistics:

Dy(r) = ([n(%) — n(2+7)]*) = C; - r*/3 (5.6)

where C% is the refractive index structure constant, which measures
the local strength of turbulence.

From Refractive Index to Phase

Now consider light passing through this turbulent atmosphere. The
phase accumulated along a vertical path is:
w27
o) = = [ n(z,2) dz 57)
We want the phase structure function—the mean-squared phase

difference between two points on the wavefront separated horizon-
tally by distance 7:

Dy (r) = ([p(Z) — p(Z+7)]?) (5.8)

Consider two rays separated horizontally by r, passing through a
turbulent layer. At each height z, the refractive indices along the two
rays differ. But the refractive index fluctuations are correlated in three
dimensions, not just horizontally. For vertical separation  within the
layer, the 3D refractive index structure function is:

Du(p) = Cro*"° (5.9)

where p = /72 + {2 is the full 3D separation.
The phase structure function involves integrating through the
layer:

Dy (r) = (2;)2/ [tanGz)an()) dzdz (5.10)
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where An(z) = n(¥,z) — n(X¥ +7,z) is the refractive index difference
at height z.

Working through this integral (using the relation between struc-
ture functions and covariances), we get:

2
Dy(r) =291 <2;) 75/3/Ci(z) dz (5.11)

Why did the power change from 2/3 to 5/3? The refractive index

structure function goes as p2/ 3

in 3D. When we integrate along the
line of sight, we sum contributions from all vertical separations .
For horizontal separation r, the dominant contributions come from
¢ < r—fluctuations at larger vertical separations are uncorrelated
between the two rays. The integral over { from o to ~ r contributes

an extra factor of r:

Dy ~ P23 5 r=r/3 (5.12)
Bundling the Constants: The Fried Parameter
Our result for the phase structure function is:
27\ 2
Dg(r) =291 (;) r5/3/C%(z) dz (5.13)

This is unwieldy. All the atmospheric and wavelength dependence
is bundled into a messy coefficient. Let’s clean it up.
Define a length scale that captures all of this:

rg = [0.423 (?)2/(:%(2) dz] o (5.14)

where 0.423 = 2.91/6.88 (the 6.88 is chosen by convention, for rea-
sons we'll see shortly).
Now the phase structure function becomes simply:

r

5/3
Dy(r) = 6.88 (ro> (5.15)

Much cleaner. The quantity ry has absorbed all the atmospheric
physics (C2 profile), the wavelength dependence, and the numerical
factors. It has units of length and a clear physical meaning: it’s the
scale at which the phase structure function equals 6.88 rad’>—roughly
where the rms phase difference reaches one radian.

This is the Fried parameter, named after David Fried who in-
troduced it in 1966. For observations at zenith angle ¢ (away from
vertical), the path through the atmosphere is longer by sec (:

-3/5

2 0
rg = [0.423 (2;) secg/0 C2(h) dh] (5.16)



Typical values of C2 range from ~ 10~17 m~2/3

-2/3

in calm upper
atmosphere to ~ 1071¥ m near heated ground. Most turbulence
concentrates in a few layers: the ground layer (0o-1 km), the planetary
boundary layer (1—2 km), and the jet stream region (8-12 km).

The physical interpretation is simple: over distances smaller than
rg, the wavefront phase is coherent. Over distances larger than ry, it’s
scrambled.

At a typical observatory site, g is about 10-20 cm at visible wave-
lengths. A telescope smaller than ry will achieve its diffraction limit,
because the wavefront across such a small aperture is essentially flat.
A telescope larger than rj sees a blurred image no sharper than what
a telescope of diameter ry would see—the extra aperture gathers
more light but doesn’t improve resolution.

The seeing angle—the blur caused by the atmosphere—is roughly:

A
Osee ~ — (5.17)
0
For A =500 nm and ryp = 15 cm:
1 -9
O ~ % ~33x 107 rad ~ 0.7" (5.18)

This is about 50 times worse than the diffraction limit of a 10-
meter telescope (g =~ 0.013"”).

5.4 The A%/® Power Law

One of the most important results in atmospheric optics is how the
Fried parameter scales with wavelength:

ro o A8/ (5.19)

Where does this come from? The phase shift accumulated through
the atmosphere is:

¢ = 277-[ x (optical path difference) (5.20)

The optical path difference depends on the physical refractive index
variations, which don’t care about wavelength. So phase scales as
1/A, and phase variance scales as 1/A2.

But we also have the Kolmogorov result that Dy (r) o r2/3. At the

coherence scale r, the phase variance is of order unity:
1’5/ 3
0
Dy(rp) o SVl 1 (5.21)

Solving for r( gives the 6/5 power law.
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Site ro (cm)  Seeing ()
Average site 5-8 1.3-2.0
Good site 10-15 0.7-1.0
Excellent site ~ 15—20 0.5-0.7
Best nights 25-35 0.3-0.5

Table 5.1: Typical Fried parameters
and corresponding seeing at visible

wavelengths (A ~ 500 nm).
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At twice the wavelength, rq is larger by a factor of 26/5 ~ 2.3. At
infrared wavelengths (A ~ 2.2 pym, the K-band), ry is about 5-6 times
larger than at visible wavelengths. The seeing angle Osce ~ A/7g
A~1/3 actually improves at longer wavelengths, though only weakly.

But the more important point is what happens to the ratio ro/A—
the number of “diffraction elements” within one coherent patch.
Since ry o< A%/5, we have ry/A o A1/5: this ratio grows at longer wave-
lengths. A telescope of diameter D has D /7y coherent patches across
its aperture; at infrared wavelengths this ratio is smaller, meaning the
telescope operates closer to its diffraction limit.

This is one reason infrared astronomy from the ground has be-
come so important. You get closer to the diffraction limit without
fighting the atmosphere as hard.

5.5 Why Bigger Isn't Better (for Resolution)

Let’s make this concrete. Consider three telescopes at a site with
7o = 20 cm:
1. 10-cm telescope: Diffraction limit = 1.3”. But D < ry, so it actually

achieves this—the atmosphere doesn’t limit it much.

2. 1-m telescope: Diffraction limit = 0.13”. But D > r, so seeing
limits it to about A/ry &~ 0.5”. It's worse than diffraction-limited by
a factor of 4.

3. 10-m telescope: Diffraction limit = 0.013". Still limited by the
same seeing, ~ 0.5"—40 times worse than its potential.

Resolution
A
diffraction® seeing-limited
limited A/rg

: actual A/D
|

> Aperture D

Think about it this way: when D > ry, the aperture is divided into
roughly (D/rg)? independent “cells,” each with diameter rg. Each
cell contributes to the image, but they’re adding incoherently—their
phases are uncorrelated. The image breaks up into a speckle pattern,
and over long exposures these speckles blur into a smooth disk of
width ~ A/rg.

You might say, “Then what’s the point? All that expense for a
telescope no sharper than one I could carry in my backpack?” So
why build big telescopes at all?

Figure 5.2: Below 1, resolution im-
proves with aperture (diffraction-
limited). Above ry, resolution is stuck at
the seeing limit regardless of aperture
size. The blue curve shows the diffrac-
tion limit A /D, the red line shows the
atmospheric seeing limit A/7(, and the
green curve shows the actual achieved
resolution.
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Light-gathering power. A 10-meter telescope collects 100 times
more photons than a 1-meter telescope. For faint objects—distant
galaxies, faint stars—this matters enormously. You may not see
sharper, but you see fainter.

Hope for better nights. Sometimes the atmosphere cooperates.
On rare occasions at typical sites, seeing drops below 0.3 arcseconds,
and the big telescope’s extra resolution pays off. (At exceptional sites
like Antarctica’s Dome C, where the turbulent boundary layer is only
20—40 meters thick, such seeing is routine—above that layer.)

Adaptive optics. As we'll see in the next chapter, there are ways to
correct for atmospheric distortion in real time, recovering the diffrac-
tion limit.

5.6  Why Some Sites Are Better

Atmospheric turbulence isn’t uniform around the globe. Some places
have much more stable air than others. The physics of site selection
is well understood, and it explains why astronomers build their
telescopes on remote mountaintops rather than convenient university
campuses.

Turbulence is generated at boundaries—where air meets ground,
where warm air masses meet cold ones, where wind flows over ob-
stacles. The key is to minimize these sources.

Laminar Flow

When air flows over a rough surface, the air at the surface must slow
down (the no-slip condition), while air higher up keeps moving. This
velocity gradient creates shear, and shear creates turbulence.

The ideal is oceanic air flowing over a smooth mountain slope.
Consider Mauna Kea: the Pacific Ocean provides vast stretches of
undisturbed air at nearly uniform temperature. When this air en-
counters the gently sloped volcanic peak (about 6 degrees), it rises
smoothly, staying attached to the surface the whole way. No sharp
edges trigger flow separation; no cliffs force air into eddies.

Contrast this with a continental site surrounded by heated land
that creates thermals, or a steep-sided mountain that forces air into
turbulent eddies. The seeing will be far worse.

Temperature Stability

Even with laminar flow, temperature differentials ruin seeing. During
the day, the ground absorbs sunlight and can reach 20-30°C above air
temperature. When the sun sets, this stored heat creates convective
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plumes—columns of warm air rising through cooler surroundings.
Each plume bends light differently.

Oceanic sites excel here because the ocean moderates temperature
extremes. Air that has traveled over water arrives at nearly the same
temperature as the surface it flows over. At Mauna Kea, the summit
temperature typically differs from the arriving air by less than 1—2
degrees—an order of magnitude less than desert sites.

This is also why modern observatory domes are actively cooled
during the day to match predicted nighttime temperature.

High Altitude

High altitude helps in two distinct ways. First, less atmosphere
means less total turbulence to integrate through. At 4,000 meters,
you're above 38% of the atmosphere by mass.

Second, and more importantly, you get above the planetary bound-
ary layer—where the atmosphere directly feels the surface through
heating, friction, and topography. The boundary layer is where most
turbulence is generated. Its thickness varies: 1—2 km over flat terrain
during the day, but summits of isolated peaks often pierce through
it entirely. A telescope at 4,000 meters on an oceanic peak is look-
ing through free atmosphere, where turbulence is weaker and more
predictable.

Dry Air

Water vapor has a higher refractive index than dry air, so humid air
has larger An for a given AT. More importantly, water vapor can
condense, releasing latent heat and creating additional buoyancy-
driven turbulence.

For infrared astronomy, dryness matters even more: water vapor
absorbs infrared light outright. The driest sites can observe through
atmospheric windows that are closed everywhere else.

The World’s Best Sites

Putting this together, the world’s best sites include:

* Mauna Kea, Hawaii: A 4,205-m volcanic peak rising from the
Pacific. Smooth oceanic laminar flow, stable temperatures. Median
seeing 0.5-0.6".

¢ Atacama Desert, Chile: A high plateau between the Andes and
the coast, with the cold Humboldt current offshore. Some of the
driest conditions on Earth. Paranal achieves 0.6-0.8"median see-
ing, with exceptional infrared transparency.

Mauna Kea profile

Figure 5.3: Ideal observatory sites have
smooth airflow. Mauna Kea rises from
the Pacific with laminar flow over its
gentle slopes.



¢ Canary Islands: High volcanic peaks in stable Atlantic air. Median
seeing 0.7-0.8".

* Antarctica: The high Antarctic plateau (Dome C, 3,233 m on the
ice sheet) has extraordinary stability above a shallow boundary
layer. The boundary layer is thin because there’s no diurnal heat-
ing cycle—the ice surface remains cold, creating a stable tempera-
ture inversion—and the gentle katabatic winds (cold air draining
downslope) flow smoothly rather than turbulently. The surface in-
version creates intense turbulence in the lowest 20-40 meters, but
above that, the Fried parameter can exceed 100 cm, giving seeing
better than 0.1”. The engineering challenges of —80°C operations
are formidable.

5.7 Short Exposures vs. Long Exposures

The atmosphere’s distortion isn’t static. The turbulent cells move and
evolve on timescales of milliseconds to seconds. The characteristic
timescale is:

T = 0.314%0 (5.22)

where V is the effective wind velocity across the turbulent layers.
With 7y ~ 10 cm and V ~ 10 m/s, we get 19 ~ 3 milliseconds.

This creates different effects depending on how long you expose.

Short exposures (< 10 ms): You “freeze” the atmospheric pattern.
The image is sharp but displaced—the star appears in a different
position each exposure. With a large telescope, the image breaks up
into multiple “speckles,” each of size ~ A/D (the diffraction limit),
scattered across a region of size ~ A /7.

Long exposures (> 1 s): The random motions average out into
a smooth blur. The seeing disk is the statistical average of all the
instantaneous images.

- ~ -~ seeing disk
/ \ / \ ‘
(]
Y ) I )
\ . \
\ L / N /
- -

~

short exposure long exposure

Speckle imaging exploits this. By taking thousands of short expo-
sures and processing them cleverly—computing and averaging power
spectra—astronomers can recover diffraction-limited information.

But speckle imaging only works for bright sources. Here’s why:
you need enough photons to detect the speckle pattern before the at-
mosphere changes (in time Ty ~ 3 ms). A 4-meter telescope observing
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Site Altitude Median Clear
(m) seeing  nights
Mauna Kea 4,205 0.6” 300
Paranal 2,635 0.8" 330
La Palma 2,396 0.8" 280
Dome C* 3,233 0.3" 250

Table 5.2: Comparison of major obser-
vatory sites. 'Dome C’s exceptional
seeing is only achieved above a ~30-
meter boundary layer; ground-level
seeing is much worse.

Figure 5.4: Short exposures (left) freeze
the speckle pattern: each bright spot is
diffraction-limited (~ A/D), but they
are scattered across the seeing disk

(~ A/rp, shown as dashed circle). Long
exposures (right) average many speckle
patterns into a smooth blur.
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a magnitude-10 star collects roughly 4 x 10* photons in 3 ms. With
(D/r9)? = 1600 speckles across the aperture, that’s only about 25
photons per speckle—barely enough to detect the pattern reliably.

For fainter objects, you simply don’t have enough photons per
coherence time. Speckle imaging is limited to roughly magnitude
10-12 for 4-meter telescopes at visible wavelengths. Using a bigger
telescope doesn’t help: it collects more photons, but it also has more
speckles ((D/rg)? grows as D?), so the photons per speckle stays
constant—each speckle receives light from one coherent patch of area
~ 13, regardless of the total aperture.

5.8 The Space Solution

The obvious way to escape atmospheric blurring is to leave the atmo-
sphere entirely. This is why the Hubble Space Telescope, despite its
modest 2.4-meter aperture, can achieve 0.05 arcsecond resolution—
about 10 times better than ground-based telescopes of its era could
reliably achieve.

Space telescopes have other advantages too:

* No atmospheric absorption—essential for UV and infrared obser-
vations.

¢ No sky brightness from scattered light.
¢ Continuous observation (no daytime, no clouds).
¢ Thermal stability (no convection from ground heating).

You might say, “Space solves everything—why bother with ground
telescopes at all?” The disadvantages are equally clear:

e Cost: Hubble cost about $10 billion over its lifetime. The James
Webb Space Telescope (JWST) cost even more.

¢ Size limits: You can only launch what fits in a rocket fairing.
JWST’s 6.5-meter mirror had to unfold in space.

¢ No servicing: If something breaks, you can’t easily fix it. (Hubble
was serviceable by Space Shuttle, a rare exception.)

For these reasons, astronomers pursue both paths: space tele-
scopes for the sharpest images and wavelengths blocked by the atmo-
sphere, ground-based telescopes for raw light-gathering power.

rrrrrrrr

Figure 5.5: The Hubble Deep Field
(1995): a tiny patch of sky, one-
thirteenth the diameter of the full
Moon, observed for 10 days. Nearly
every object in this image is a galaxy—
about 3,000 of them, some dating back
to when the universe was less than a
billion years old. Only a space tele-
scope, free from atmospheric blurring,
could reveal such detail.

ﬂrl] HST

Above the atmosphere

Figure 5.6: The Hubble Space Telescope
orbits above Earth’s atmosphere,
achieving diffraction-limited imaging.
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5.9 The Infrared Advantage

There’s a loophole in the seeing problem. We've seen that the Fried
parameter scales as:
26 /5

ro o (5.23)

At longer wavelengths, atmospheric turbulence is less severe. At
A = 2.2 pm (near-infrared K-band), ry is about 5-6 times larger than
at visible wavelengths. A 1-meter telescope observing in the infrared
might achieve seeing of 0.3 arcseconds, while the same telescope in
visible light sees 1 arcsecond.

This is one reason infrared astronomy has become so important. vis IR

Ground-based infrared telescopes can get closer to their diffraction Figure 5.7: The Fried parameter in-
creases with wavelength as A%/°.

Infrared observations achieve better
You might say, “Then why not observe everything in the in- seeing.

limits than visible-light telescopes can.

frared?” Because different objects emit at different wavelengths. A
hot star peaks in the blue; a cold dust cloud peaks in the infrared.
And some phenomena—Ilike the spectral lines that reveal chemical
composition—occur at specific wavelengths. Astronomy needs all
wavelengths, which means living with the atmosphere’s limitations at
each.

5.10 What Can’t We Escape?

Even from space, there are limits:

1. Diffraction: The wave nature of light imposes an ultimate reso-
lution limit of & ~ A/D. The only escape is bigger apertures or
shorter wavelengths.

2. Photon noise: Faint objects emit few photons. Statistical fluctua-
tions limit how precisely we can measure anything. More collect-
ing area helps; nothing else does.

3. Cosmic backgrounds: The sky isn’t black, even in space. Multiple
sources contribute an irreducible glow at every wavelength.

4. Confusion: In crowded fields, sources overlap. Beyond some
surface density, you can’t tell objects apart regardless of resolution.

The Cosmic Backgrounds

Let’s examine the backgrounds that limit even space telescopes.
Zodiacal light dominates in the visible and near-infrared. The
inner solar system contains a diffuse cloud of dust grains—debris
from comets and asteroid collisions—concentrated in the ecliptic
plane. These grains scatter sunlight (at shorter wavelengths) and emit
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brightness Figure 5.8: Schematic of cosmic back-

A grounds versus wavelength. Zodiacal
light (scattered and thermal emis-
sion from solar system dust) domi-
nates at visible through mid-infrared
wavelengths. The Cosmic Infrared

CMB Background (integrated light from all
galaxies) peaks in the far-infrared. The
Cosmic Microwave Background dom-
inates at millimeter wavelengths. The
vertical axis shows relative brightness;

actual values span many orders of
vis near-IR mid-IR far-IR mm magnitude.

CIB

Y
>

thermal radiation (at longer wavelengths, peaking around 10-20 pm).
2

At the ecliptic poles, zodiacal light is about 22—23 mag/arcsec” in
the visible. This can be reduced by going farther from the Sun: JWST
at L2 (1.5 million km from Earth) sees lower zodiacal emission than
Hubble in Earth orbit.

The Cosmic Infrared Background (CIB) is the accumulated light
of all galaxies throughout cosmic history. Much of this comes from
dusty, star-forming galaxies at high redshift: dust absorbs ultra-
violet light from young stars, heats up, and re-radiates in the in-
frared. The CIB peaks around 100-200 pm, contributing roughly
10-30 nW/m? /sr—comparable to the integrated visible light from
all resolved galaxies. This background is irreducible: it’s everywhere,
coming from everywhere in the universe.

The Cosmic Microwave Background (CMB) dominates at wave-
lengths longer than about 500 pm. This is thermal radiation from the
early universe, emitted when the cosmos was 380,000 years old and
had cooled enough for atoms to form. At millimeter wavelengths,
the CMB is overwhelmingly bright: about 300 MJy/sr at 1 mm. The
CMB has been measured to extraordinary precision, but it represents
a wall—the surface of last scattering—beyond which electromagnetic
observations cannot penetrate.

These backgrounds matter because detection requires distinguish-
ing a faint source from the noise floor. Even with perfect background
subtraction, photon counting statistics impose limits: if you collect
N background photons, the noise is v/N, and you need your source
signal to exceed this.

5.11  Reflection

A thin layer of turbulent gas—less than 0.001% of the distance to the
nearest star—limited astronomical resolution for centuries. Under-
standing why required working out the physics of turbulence and the
statistics of wavefront distortion.
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Site selection became a precise science once astronomers un-
derstood laminar flow and temperature stability. Speckle imaging
emerged from recognizing that short exposures freeze the atmo-
sphere. And the drive to escape atmospheric limitations entirely
motivated the space telescope program.

The next chapter describes one of the more remarkable responses
to atmospheric limitation: using deformable mirrors and laser beams
to undo the atmosphere’s distortion in real time.

5.12  Looking Ahead

We’ve seen that Earth’s atmosphere imposes a resolution limit of
roughly o0.5-1 arcsecond on ground-based telescopes, regardless of
aperture. This limit comes from turbulent cells in the air that wrinkle
the incoming wavefront, characterized by the Fried parameter rq
which scales as A/5.

But what if we could measure those wrinkles and correct for
them? What if we could reshape a mirror 1,000 times per second
to smooth out the atmospheric distortion?

This is adaptive optics, and it’s the subject of the next chapter.
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6
Beating Atmospheric Turbulence

In 1991, something remarkable happened: the U.S. military declas-
sified adaptive optics technology." That same year, at the Starfire
Optical Range in New Mexico, astronomers demonstrated a telescope
that could take images of satellites sharper than the diffraction limit
of the human eye. The telescope wasn’t large—just 1.5 meters—but it
had a trick: a rubber mirror that could change shape 2,000 times per
second, guided by a laser beam shot into the upper atmosphere.

This adaptive optics system measured how the atmosphere was
distorting light and corrected for it in real time. The question is: how
can you possibly undo the atmosphere’s chaos?

6.1 The Basic Idea

The atmosphere wrinkles the wavefront. If we could measure those
wrinkles and push back on the mirror to flatten them out, we’d re-
cover a clean image. The approach has four steps:

1. Measure the shape of the incoming wavefront using a bright refer-
ence star.

2. Calculate what mirror shape would cancel the distortions.
3. Deform a flexible mirror to that shape.

4. Do all of this faster than the atmosphere changes—typically 500-
2000 times per second.

6.2 How Many Actuators?

A natural question: how finely must the deformable mirror be con-

trolled? The answer comes directly from the physics of turbulence.
The atmosphere distorts the wavefront on a characteristic scale

called the Fried parameter, ry. Over patches smaller than r, the

* The declassification in May 1991 re-
vealed how mature the technology
already was—decades of classified de-
velopment suddenly became available
to civilian astronomers.

Figure 6.1: The same star cluster im-
aged without (left) and with (right)
adaptive optics. Without correction, at-
mospheric turbulence smears stars into
blobs several arcseconds across. With

AO engaged, the telescope achieves its
diffraction limit—revealing individual
stars, close binaries, and faint compan-
ions that were previously invisible.
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Light path: top — deformable mirror — splitter — camera
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wavefront is relatively flat. Over patches larger than r(, the wavefront
is seriously warped. To correct the distortions, we need actuators
spaced closely enough to match this scale.

Think of the deformable mirror as a sheet supported by a grid of
pistons. Each piston can push or pull its local region. If the pistons
are spaced by distance 4, they can correct wavefront variations on
scales larger than about d. Variations smaller than d slip through
uncorrected.

To capture the atmospheric distortion, we need the piston spacing
comparable to g or smaller. Across an aperture of diameter D, the
number of actuators across one dimension is about D /ry. In two

D 2
Nactuators ~ (m) (6.1)

dimensions:

On a good site at visible wavelengths, rg ~ 10—20 cm. Take ryp =
15 cm as typical. For a 10-meter telescope:

2
Nactuators & ((;1();1;11) = (67)? ~ 4500 (6.2)

A 10-meter telescope needs thousands of actuators—not hundreds,
thousands. For a 4-meter telescope with the same ry, the count drops
to about 700. For an 8-meter, roughly 2800.

There’s an important subtlety: 7y depends on wavelength. It scales
as A%/5—longer wavelengths see the atmosphere as “smoother” be-
cause the phase errors (measured in radians) scale as 1/, but the
turbulence structure itself has a characteristic power spectrum that
contributes an additional A!/5 factor. At infrared wavelengths (K-
band at 2.2 microns versus visible at 0.5 microns), r¢ is larger by a
factor of about (2.2/0.5)%/> ~ 6. At K-band, g =~ 90 cm instead of
15 cm. Now the 10-meter telescope only needs:

10m \?
Nactuators ~ (091’1’[) ~ 120 (63)

This is why adaptive optics was first demonstrated in the infrared,

Figure 6.2: Adaptive optics: a step-
by-step view. (1) Distorted starlight
enters. (2) A deformable mirror—
with actuators that push/pull the
surface—reshapes to cancel distortions.
(3) A beam splitter sends some light
to a wavefront sensor. (4) The sensor
measures residual wavefront error. (5)
A computer calculates corrections. (6)
Commands adjust the mirror shape.
(7) Corrected light reaches the science
camera. This loop repeats 500-2000
times per second.

actuators push mirror

Figure 6.3: Deformable mirror: actua-
tors behind a thin face sheet push and
pull to create the desired shape.
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not the visible. Fewer actuators, slower correction rates, easier all
around. Visible-light AO is much harder.

6.3 How Fast Must You Run?

The atmosphere doesn’t hold still. Wind blows the turbulent layer
across your line of sight. If the wind speed is v and the character-
istic distortion scale is rg, then the distortion pattern changes on a

timescale:
o
To R — 6.
0~ (6.4)
This is called the atmospheric coherence time.> 2 Also known as the Greenwood time,
For ry = 15 cm and wind speed v = 10 m/s: after the researcher who formalized it.
0.15m
T~ ——— = 15ms 6.
0™ 10m/s 6:5)

To correct the wavefront, you must complete the full sense-compute-
correct cycle in a time short compared to 15. Otherwise you're apply-
ing yesterday’s correction to today’s atmosphere.

If the atmosphere changes every 15 ms, you need to update at
least every 10 ms, preferably every 5 ms or faster. That’s 100-200 Hz
minimum. But “minimum” isn’t good enough for high-quality
correction—there’s always some delay between measurement and
correction, and the faster you run, the smaller the error from this lag.
Modern AO systems typically run at 500-2000 Hz.

The control loop looks like this:

1. Wavefront sensor measures spot positions (0.5—2 ms).

2. Computer reconstructs wavefront and calculates actuator com-
mands (< 1 ms).

3. Commands sent to deformable mirror (< 0.5 ms).
4. Mirror moves to new shape (< 1 ms).

5. Repeat.

The latency—the delay between measurement and correction—
must be short compared to the atmospheric coherence time, or the
correction will be applied to atmospheric patterns that have already
changed.

6.4 Measuring the Wavefront

How do you measure a wavefront’s shape? The most common
method is the Shack-Hartmann sensor, developed in the 1970s.
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The idea is simple: put an array of tiny lenses in front of a detec- .-
tor. Each lenslet focuses light from a small piece of the aperture onto

the detector. If the wavefront is flat, all the spots line up in a regular P e e LEEE
grid. If the wavefront is tilted or curved, the spots shift. flat: aligned tilted: shifted
By measuring how much each spot has moved, you can recon- Figure 6.4: Shack-Hartmann sensor

principle. Left: a flat wavefront pro-
duces spots aligned with the reference
those slopes, you can compute the overall wavefront shape. grid (dashed lines). Right: a tilted
wavefront shifts all spots in the same
direction. In practice, atmospheric
pling the wavefront at high spatial resolution—roughly one lenslet turbulence produces complex patterns
per o patch across the aperture. of local tilts, and each spot shifts by a
different amount, encoding the local
wavefront slope at that position.

struct the local slope of the wavefront at each lenslet position. From

Modern AO systems use hundreds or thousands of lenslets, sam-

6.5 The Photon Budget

Wavefront sensing has a steep photon budget. Each subaperture of
the Shack-Hartmann sensor must collect enough photons to measure
the spot position precisely, and it must do so in a millisecond or less.

If you collect N photons in a subaperture, the spot position can be
measured to a precision of roughly:

Gspot

Oposition ~ ﬁ (6~6)

where 0Ogpot is the angular size of the spot (set by diffraction from the
subaperture).

For diffraction-limited performance, we want phase errors well un-
der one radian—ideally A /10 or better. Working through the geom-
etry, this requires locating each spot to about 1/10 of its diffraction
width, which means:

VN>10 = N >100 photons per subaperture per measurement
(6.7)

At 1000 Hz, we need 100 photons per subaperture per millisecond.
With (D/r)? ~ 4500 subapertures for a 10-meter telescope, that’s
4.5 x 10° photons per millisecond total, or about 4.5 x 10® photons
per second.

A magnitude o star at visible wavelengths delivers roughly 101
photons/s/m?2. Over a 10-meter aperture, that’s about 7 x 10'!
photons/s—plenty of margin. But accounting for optical losses and
detector efficiency (maybe 10-20% overall), guide stars fainter than
about magnitude 6-8 don’t provide enough photons for high-quality
correction.

This is why wavefront sensing needs bright stars, and why most
interesting astronomical targets—which are faint—can’t serve as their
own guide stars.



BEATING ATMOSPHERIC TURBULENCE

6.6 The Guide Star Problem

To measure the wavefront, you need a bright point source. The star
being observed usually isn’t bright enough—most interesting astro-
nomical targets are too faint to provide the thousands of photons per
millisecond that the wavefront sensor needs.

The traditional solution is to use a nearby bright star as a natural
guide star (NGS). You measure the wavefront from the guide star
and assume it’s the same for your target. This works if the guide star
is close enough—within the isoplanatic patch.

The isoplanatic angle can be derived from geometry. The turbu-
lence is concentrated in layers at some effective height H above the
telescope. Two stars separated by angle 6 on the sky have their beams
pass through atmospheric columns separated by:

d~H-0 (6.8)

at height H. For the two columns to sample “the same” turbulence,
their separation must be less than ry:

~

o
b ~ —= .
0~ o (6.9)
Forrg = 15 cmand H = 5 km (a typical effective turbulence
height):
_ 015m
~ 5000m

At infrared wavelengths, ry is larger by a factor of 6, so 6y in-

o =3 x 10 ° radians ~ 6 arcsec (6.10)

creases to about 30—40 arcseconds. This is why AO works better
in the infrared: larger isoplanatic patches, fewer actuators needed,
slower update rates required.

With an isoplanatic angle of just a few arcseconds at visible wave-
lengths, only about 1% of the sky has a suitable natural guide star
within the isoplanatic patch. This severely limits sky coverage.

6.7 Laser Guide Stars

The solution to the guide star problem is to create your own star with
a laser.
There are two main approaches:
Rayleigh laser guide stars: A pulsed laser beam creates backscat-
tered light from air molecules in the lower atmosphere (10-20 km).
By timing the detection, you measure light from a specific altitude.
The limitation is that this doesn’t sample the full atmosphere.
Sodium laser guide stars: A laser tuned to the sodium D2 line
at 589 nm excites sodium atoms in a layer at go km altitude.3 These 3 This sodium layer is deposited by
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meteors burning up in the atmosphere.



80 TELESCOPES

laser guide star Figure 6.5: Sodium laser guide star.
The telescope projects a powerful
Na (9o km) 90 km laser (orange beam) tuned to the
589 nm sodium line straight up into
mesosphere the sky. At go km altitude, the beam

excites sodium atoms deposited by
meteors, causing them to fluoresce in all
directions (radiating lines). Some of this

50 km

stratosphere fluorescence returns to the telescope
(dashed lines), creating an artificial
10 km point source for wavefront sensing. The
return light passes through essentially
troposphere

the same atmospheric turbulence
r'_"| as light from astronomical targets,
0 km enabling wavefront measurement
anywhere in the sky.

atoms fluoresce, creating an artificial star. This samples most of the
turbulent atmosphere.

Sodium lasers are now standard at major observatories. The or-
ange beams shooting into the sky from Mauna Kea or Paranal have
become iconic images of modern astronomy:.

6.8 Limitations of Laser Guide Stars

Laser guide stars have their own problems:

1. Cone effect: The laser creates a point source at finite altitude.
Light from it samples a cone of atmosphere, not a cylinder. For
large telescopes, the outer parts of the aperture see different turbu-
lence than the center.

2. Tip-tilt indetermination: This is subtle but important. When
you measure the wavefront with a Shack-Hartmann sensor, you
measure local tilts—how much each piece of the wavefront is tilted
relative to its neighbors. From these local tilts, you can reconstruct
the wavefront shape.

But there’s an ambiguity: you can add a constant tilt to the entire
wavefront—move the whole image left or right, up or down—and
all the local tilts stay the same. For a natural guide star, this isn’t
a problem: you know where the star should be (from a catalog), so
any displacement tells you the global tilt.

For a laser guide star, you don’t know where it “should” be. The
laser beam wanders in the atmosphere on the way up. The guide
star position jiggles. You can’t distinguish “the atmosphere tilted
the whole image” from “the laser wandered so the guide star

moved.” A natural star is still needed for this “tip-tilt” correction.

3. Spot elongation: For telescopes viewing the sodium layer off-axis,



BEATING ATMOSPHERIC TURBULENCE 81

the laser guide star appears elongated, not point-like, complicating
wavefront sensing.

Modern systems use multiple laser guide stars to mitigate the cone
effect, a technique called multi-conjugate adaptive optics (MCAO).
Some systems use dozens of lasers simultaneously, reconstructing the
three-dimensional turbulence structure from multiple guide stars and
correcting over a wider field.

6.9 How Good Is Adaptive Optics?

The quality of AO correction is measured by the Strehl ratio: the
peak intensity of the corrected image divided by the peak intensity of
a theoretically perfect diffraction-limited image.

A Strehl ratio of 1.0 would be perfect correction; typical seeing-
limited observations achieve Strehl ratios of 0.01 or less. Modern AO
systems routinely achieve 0.6-0.8 in the near-infrared (K-band, 2.2
um), where the atmospheric correction is easier.

At visible wavelengths, AO is harder because r( is smaller and
the correction must be finer. “Extreme AO” systems designed for
exoplanet imaging can achieve Strehl > 0.9 in the infrared by using
1000+ actuators and running at 2000 Hz.

Even with all these efforts, residual errors remain: photon noise
in wavefront sensing, fitting error from finite actuator spacing, servo
lag from the delay between measurement and correction. The atmo-
sphere isn’t completely defeated. But it’s pushed back far enough
that ground-based telescopes can approach their diffraction limits.

6.10 What AO Has Enabled
Adaptive optics has revolutionized ground-based astronomy:

® Galactic center: AO imaging revealed stars orbiting the supermas-
sive black hole at our galaxy’s center, proving its existence and
measuring its mass (4 million solar masses).

¢ Exoplanet imaging: AO is essential for directly imaging planets
around nearby stars, suppressing the glare of the star to reveal
faint companions.

* Solar system: AO reveals surface details on asteroids, moons, and
planets that rival spacecraft imagery.

¢ Stellar populations: Resolving crowded star fields in globular
clusters and nearby galaxies.

System Strehl (K-band)  Strehl (visible)
No AO 0.01-0.05 <0.01
First-gen AO 0.2-0.4 0.01-0.05
Modern AO 0.6-0.9 0.1-0.3
Extreme AO >0.9 0.3-0.6

Table 6.1: Strehl ratios for different AO
systems. Higher is better (1.0 = perfect).
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Adaptive optics has military origins. The technology was developed in the 1970s and 1980s for tracking and imaging
satellites—and potentially for focusing laser weapons. The details were classified until 1991. When the technology
was declassified, astronomers were astonished to discover how mature it was. Within a few years, AO systems ap-
peared at major observatories worldwide.

This is a recurring pattern in telescope technology: military funding develops capabilities that later transform civilian
science. The CCD detectors that revolutionized astronomy in the 1980s also came from military research. It’s an
uncomfortable symbiosis, but it’s part of the history.

6.11 Looking Ahead

Adaptive optics lets ground-based telescopes approach their diffrac-
tion limits, at least in the infrared. But we’ve focused entirely on vis-
ible and near-infrared light. The electromagnetic spectrum is vastly
wider than that.

In the next chapter, we’ll explore telescopes for wavelengths the
eye cannot see—radio waves millions of times longer than light, and
X-rays millions of times shorter. These other windows on the uni-
verse require completely different technologies, and they’ve revealed
cosmic phenomena invisible to optical astronomers.



7
Beyond Visible Light

Karl Jansky wasn’t trying to discover radio astronomy. In 1932, work-
ing for Bell Telephone Labs, he was hunting for sources of static that
interfered with transatlantic radio calls. He found three: nearby thun-

derstorms, distant thunderstorms, and... the center of the Milky Way. ;
The galaxy was broadcasting at 20.5 MHz, a frequency about Figure 7.1: Karl Jansky’s rotating
27 million times lower than visible light. This accidental discovery antenna at Bell Labs, New Jersey (1932).
Nicknamed “Jansky’s Merry-Go-
Round,” this wooden frame covered
dow required telescopes utterly unlike anything built before—dishes in brass pipes rotated on Ford Model
T wheels. It detected radio waves at
20.5 MHz coming from the center of
the Milky Way—the birth of radio
astronomy.

opened a new window on the universe. But to peer through this win-

the size of football fields, arrays spanning continents.

7.1 The Electromagnetic Spectrum

Visible light—the narrow band from 400 to 700 nanometers that hu-
man eyes detect—is just a tiny sliver of the electromagnetic spectrum.
The universe emits radiation at all wavelengths, from radio waves
kilometers long to gamma rays smaller than atomic nuclei.

visible Figure 7.2: The electromagnetic spec-
trum spans many orders of magnitude.

Visible light is a narrow window in the
middle.

radio infrared Uuv X-ray 7-ray

km ]/.m nm pm
wavelength
Each wavelength range reveals different phenomena:

¢ Radio: Cold gas, pulsars, cosmic magnetic fields, the cosmic mi-
crowave background.

¢ Infrared: Dust-shrouded stars, cool objects, distant redshifted
galaxies.
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® Visible: Stars, galaxies at moderate distances, reflected light from
planets.

e Ultraviolet: Hot stars, gas ionized by young stars.

® X-ray: Neutron stars, black hole accretion disks, hot gas in galaxy
clusters.

* Gamma-ray: The most violent events: supernovae, gamma-ray
bursts, cosmic rays hitting the atmosphere.

7.2 What Gets Through the Atmosphere

Not all wavelengths reach the ground. Earth’s atmosphere is opaque
at many frequencies.
Two “windows” are fully transparent:

1. Optical window: Roughly 300-1100 nm. This is why our eyes
evolved to see these wavelengths.

2. Radio window: Roughly 1 cm to 30 meters. Below 1 cm, water
vapor absorbs. Above 30 m, the ionosphere reflects.

Some partial windows exist in the infrared (at 1-5 ym, 8-13 ym,
17-25 um), but only from high, dry sites.

Everything else—UYV, X-rays, gamma-rays, far-infrared—requires
space telescopes.

7.3 Radio Telescopes: The Basics

Radio waves can be focused by curved metal surfaces just as light is
focused by mirrors. The challenge is diffraction.

Recall that angular resolution scales as § ~ A/D. At radio wave-
lengths, A might be 1 meter or more—a million times longer than
visible light. To achieve the same resolution as a 1-meter optical
telescope (0.1 arcseconds), you’d need a radio dish a million meters
across.

The largest single-dish radio telescope, FAST in China, is 500 me-

ters across—though only about 300 meters is illuminated at any time.

Its resolution at 21 cm wavelength is only about 2 arcminutes, worse
than the naked eye.

You might say, “Then what'’s the point of a radio telescope? Why
not just use bigger optical instruments?” Because resolution isn’t ev-
erything. Radio telescopes reveal phenomena invisible at any other
wavelength: pulsars, neutral hydrogen in galaxies, the cosmic mi-
crowave background. The universe broadcasts on many channels;
you have to tune in to hear them.

trans. .
vis radio
,—1 IR
[ | > A
blocked blocked

Figure 7.3: Atmospheric transmission
vs. wavelength. Red-shaded regions are
blocked by the atmosphere. Windows
exist at visible/near-IR and radio
wavelengths.

Telescope D (m) 6ati4GHz

Jodrell Bank 76 12/
Arecibo* 305 3/
GBT 100 9
FAST 500 2

Table 7.1: Angular resolution of single-
dish radio telescopes at 21 cm wave-
length. Even the largest dishes have
poor resolution by optical standards.
*Arecibo collapsed in 2020; the site’s
future remains uncertain.
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But for sharp images, this is why radio astronomers invented
interferometry.

7.4 Interferometry: Many Telescopes as One

Here’s a remarkable fact: you don’t need to fill the entire aperture
with collecting area. If you place small dishes far apart and combine
their signals carefully, you can achieve the resolution of a single dish
spanning the entire distance between them.

The key insight is geometric. Consider two radio dishes separated
by a distance B—the baseline. A distant source sends plane waves
toward Earth. If the source is directly overhead, wavefronts arrive
at both dishes simultaneously. But if the source is at a small angle 0
from the vertical, the wavefront reaches one dish before the other.

How much delay? Draw a line from the first dish perpendicular
to the incoming wavefront. The second dish lies beyond this line by a
distance

A = Bsinf ~ Bf (7.1)

where the approximation holds for small angles (in radians).

This path difference A creates a phase difference between the
signals at the two dishes:

2nA  27tBo
¢=—""="1 (7:2)

When ¢ = 0,27,4m, ..., the signals add constructively. When
¢ = m,3m,..., they cancel. As the Earth rotates (or as you observe
different sources), the combined signal oscillates between construc-
tive and destructive interference, creating a characteristic fringe
pattern.

The angular spacing between fringes—and hence the angular
resolution—is determined by when the phase changes by 27:

2B AO A
Ap =2 = 1 = Ores ~ B (73)
This is the fundamental result: resolution is set by the baseline B,
not the dish diameter. Two small dishes separated by 10 kilometers
achieve the same resolution as a single 10-kilometer dish—without
needing to fill all that space with metal.

What the Correlator Does

You might wonder: how do you actually combine the signals? You
can’t simply add the voltages—that would give an oscillating signal
at radio frequencies (billions of cycles per second), with the phase
information buried inside.

85
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plane wave Figure 7.4: Two-element interferometer.
atangle6 - A plane wave arriving at angle 6 travels
__________ A = Bsin# an extra distance A = Bsin# to the
reference - === =TS - - - - - - - - - -~ - right dish (shown in red). This path

difference creates a measurable phase
shift ¢ = 2wA/A. The correlator mul-
tiplies the two signals; when ¢ changes
by 27, fringes appear. Resolution is

\r Y Bres ~ A/B—set by the baseline, not
dish size.

dish 1 dish 2

\baseline B /

correlator

Resolution: Opes ~ A/B

The correlator multiplies the signals instead. If dish 1 receives
V1(t) = Acos(wt) and dish 2 receives V,(t) = A cos(wt + ¢), then:

2

Vi x Vo = A% cos(wt) cos(wt +¢) = A? [cos(¢) + cos(wt + ¢)] (7.4)

The second term oscillates at twice the radio frequency and averages

to zero. What remains is:

A2
(Vi x Va) = = cos(9) (7.5)
The correlation directly encodes the phase difference ¢. When signals
are in phase (¢ = 0), correlation is maximum. When out of phase
(¢ = m), correlation is minimum. By measuring how the correlation
varies as the Earth rotates, you map out the fringe pattern—and

hence the sky.

Why Phase Preservation Is Critical

For nearby dishes, signals travel by cable to a central correlator. But
the timing must be preserved to a fraction of a wavelength. At 1 cm
wavelength:

A 102 m

¢ 3x108m/s

Every cable, amplifier, and electronic component must maintain

ot ~ ~ 30 picoseconds (7.6)

timing to 30 picoseconds—the time for light to travel one centimeter.
For baselines spanning continents (Very Long Baseline Interfer-
ometry, or VLBI), cables won’t work. Instead, each station records its
signal independently, timestamps it with an atomic clock, and ships
the data (on hard drives) to a central facility for correlation later.
This required hydrogen maser clocks accurate to nanoseconds over
hours—technology that didn’t exist until the 1960s.
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A single baseline measures one “spatial frequency”—one component
of the sky’s Fourier transform. To reconstruct an image, you need
many baselines sampling many spatial frequencies.

The Very Large Array has 27 dishes, giving 27 x 26/2 = 351
baselines. As Earth rotates, each baseline traces an arc through “UV
space” (the Fourier plane), eventually sampling hundreds of thou-
sands of points. Gaps in UV coverage create artifacts in the recon-
structed image—radio astronomers spend considerable effort design-
ing arrays and observing strategies to fill these gaps.

7.5 The Event Horizon Telescope

The ultimate expression of radio interferometry is the Event Horizon
Telescope (EHT), which in 2019 produced the first image of a black
hole’s shadow.

The EHT linked radio dishes around the world—from Hawaii to
Spain to the South Pole—creating an Earth-sized virtual telescope. At
its operating wavelength of 1.3 mm, this achieved resolution of about
25 microarcseconds.

Let’s verify: with baseline B ~ 12,700 km and wavelength A =
1.3 mm:

A 13x107°m

f=2=o2 "
B~ 127 x107 m

~1071% rad ~ 20 uas (7.7)

That’s sharp enough to read a newspaper in New York from a
cafe in Paris. Or, more relevantly, to resolve the event horizon of a
supermassive black hole 55 million light-years away.

You might say, “Wait—they didn’t actually see the black hole,
right? Black holes don’t emit light.” Exactly right. What the EHT
imaged was the black hole’s shadow: the dark silhouette against the
glowing ring of infalling matter. The hole itself remains forever invis-
ible; we see only what it isn’t.

7.6 Infrared Astronomy

Infrared light (wavelengths from about 1 to 300 ym) occupies a mid-
dle ground. Near-infrared (1—5 ym) reaches ground-based telescopes
through atmospheric windows. Far-infrared is blocked by water va-
por and requires space.

Infrared astronomy reveals:

¢ Dust-obscured regions: Stars forming inside molecular clouds,
galactic nuclei hidden by dust.

BEYOND VISIBLE LIGHT

87

M8y black hole

Figure 7.5: The Event Horizon Tele-
scope: dishes worldwide act as one
Earth-sized telescope. This resolution
revealed the shadow of M87’s black
hole.
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¢ Cool objects: Brown dwarfs, planets, asteroids.

¢ Distant galaxies: The expansion of the universe redshifts light
from early galaxies into the infrared.

* Thermal emission: Everything warmer than a few Kelvin glows in
the infrared.

The James Webb Space Telescope (JWST), launched in 2021, op-
erates primarily in the infrared. Its 6.5-meter mirror, kept cold at L2
(1.5 million km from Earth), achieves resolution of 0.1 arcseconds at 2
pm—comparable to Hubble in the visible.

7.7 X-ray Telescopes

X-rays (wavelengths 0.01-10 nm) present a fundamental problem:
at these energies, photons don’t reflect from ordinary mirrors. They
either penetrate the material or get absorbed.

The solution comes from understanding why materials have the
refractive indices they do. At visible wavelengths, light shakes atomic
electrons, which re-radiate and slow the wave down, giving n > 1.
But X-rays oscillate faster than electrons can follow. The electrons
respond “out of phase,” and something remarkable happens: the
refractive index drops below unity.

Why X-rays Have n < 1

For X-ray frequencies w far above atomic resonances, electrons re-
spond almost as free particles. The result is:
1 w% 1-46 8
n=1- 202 (7.8)
where w, = /n.e2/(egm,) is the plasma frequency and n, is the
electron density.
For typical solids at keV energies, § ~ 1072 to 10~*. The refractive
index is barely below 1—but that tiny deviation changes everything.

Total External Reflection

When light crosses from a medium with index 7n; into one with n; <
n1, total reflection occurs at shallow enough angles. For X-rays going
from vacuum (n = 1) into material (n = 1 — ¢), Snell’s law requires
cos ;7 = ncos6,. Total reflection occurs when cos 0, would exceed 1,
which happens when cos6; > n = 1 — 4. For small grazing angles 6,
(measured from the surface), cos0, ~ 1 — 9? /2, so:
02
5 =1-6 = 0. = /26 (7.9)

Telescope A Location
JWST 0.6-28 ym L2 orbit
Spitzer 3-160 ym  heliocentric
Herschel  55-672 ym L2 orbit
SOFIA 5-240 ym aircraft

Table 7.2: Major infrared telescopes.
Most operate in space due to atmo-
spheric absorption.



For § ~107°: f, ~ 0.25. For § ~ 10~*: 6, ~ 0.8.
X-rays reflect only at grazing incidence—within a degree or two
of the surface. This is why X-ray telescopes look nothing like optical

ones.
X-rays paraboloid P
hyperboloid ‘ »\ 0.
; \\ \
: =e_paraboloid focus
e ¢ - detector
|
|
|
paraboloid removes hyperboloid
spherical aberration removes coma
(a) side view: single Wolter shell
detector,
(b) end-on view: nested shells
Wolter Optics

A single grazing-incidence paraboloid can focus on-axis X-rays, but
gives terrible off-axis images (severe coma). In 1952, Hans Wolter
showed that two reflections—first from a paraboloid, then from a
hyperboloid—can eliminate coma. The paraboloid’s focus coincides
with one focus of the hyperboloid; rays heading toward this point get
redirected to the hyperboloid’s second focus, which becomes the final
image.

This two-bounce geometry satisfies the “Abbe sine condition”
for aberration-free imaging—something a single grazing-incidence
mirror cannot achieve.
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Figure 7.6: Wolter Type I X-ray optics.
(a) X-rays reflect at grazing incidence
(inset shows critical angle . ~ 1-

2). Two reflections—paraboloid then
hyperboloid—eliminate aberrations; the
paraboloid’s focus coincides with one
hyperboloid focus, directing rays to the
detector at the second focus. (b) End-on
view showing nested shells. Chandra
has 4 shells; XMM-Newton has 58 per
module. Nesting increases collecting
area, compensating for the inefficiency
of grazing incidence.
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Nested Shells

Even with Wolter optics, grazing incidence is inefficient. At 1 grazing
angle, effective collecting area is only sin(1) ~ 2% of the physical
mirror area.

The solution: nest many shells inside each other like Russian dolls.
The Chandra X-ray Observatory has 4 nested shells; XMM-Newton
has 58 thinner shells per module. More shells mean more collecting
area, but thinner shells are harder to polish precisely.

The shells are coated with iridium or gold—high-Z materials
that maximize 6 and hence the critical angle, allowing collection of
higher-energy X-rays.

You might ask, “Why not just use thicker mirrors or steeper an-
gles?” Because X-rays only reflect at grazing incidence. Steepen the
angle beyond 6., and they punch straight through. This isn’t an engi-
neering limitation—it’s physics. X-ray astronomers accept inefficiency
as the price of seeing the high-energy universe.

The Chandra X-ray Observatory achieves 0.5 arcsecond resolution,
the best of any X-ray telescope. It reveals the most extreme environ-
ments: matter spiraling into black holes at nearly the speed of light,
gas heated to millions of degrees in galaxy clusters, neutron stars
with magnetic fields a trillion times Earth’s.

7.8  Gamma-ray Astronomy

At gamma-ray energies (above ~100 keV), even grazing incidence
fails. The critical angle scales as 6. « 1/E, so higher-energy photons
require ever-shallower angles until reflection becomes impractical.
Gamma rays interact with matter only through violent processes:
Compton scattering, pair production, photoelectric absorption. None
produce coherent reflection.

You cannot focus gamma rays. There’s no material that reflects
them, no lens that refracts them coherently.

So how do you image them?

Coded Mask Imaging

The answer goes back to the oldest imaging device: the pinhole cam-
era. A pinhole creates images without focusing—light from each
direction passes through the hole and hits a corresponding point on
the detector. The catch: a single pinhole blocks most of the light.
Gamma-ray telescopes use a cleverer version: the coded mask.
Instead of one pinhole, use many holes arranged in a specific mathe-
matical pattern. Each source in the sky casts a shadow of this pattern
onto the detector. Different source positions cast different (shifted)
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shadow patterns.

Here’s the key: if you know the mask pattern and measure the
shadow, you can mathematically decode where the gamma rays came
from. The shadow encodes source positions.

The detected signal is a convolution of the sky brightness with the
mask pattern:

D(x,y)=1xM (7.10)

where [ is the sky brightness and M is the mask. To recover I, you
deconvolve.

The best masks for this are uniformly redundant arrays (URAs)—
patterns with the special property that every spatial frequency has
equal power. For a URA, cross-correlating the detected shadow with
a “decoding array” (the mask with os replaced by —1s) cleanly re-
covers the source positions: different sources cast shadows shifted
by different amounts, and the URA’s autocorrelation properties keep
them from interfering.

The INTEGRAL satellite’s IBIS instrument uses a 95 x 95 tungsten
coded mask. The SWIFT satellite’s BAT uses 52,000 lead tiles. Angu-
lar resolution is about 12 arcminutes—poor by optical standards, but
remarkable for light that refuses to be focused.

Cherenkov Detection

For very high-energy gamma rays (GeV to TeV), a different approach:
let the atmosphere be your detector. When such a gamma ray hits
the upper atmosphere, it creates a cascade of particles that emit
Cherenkov radiation—a cone of blue light analogous to a sonic
boom. Ground-based telescopes detect this flash, using Earth’s en-
tire atmosphere as a calorimeter.

7.9  The Multi-Wavelength Universe

No single wavelength tells the whole story. A galaxy seen in visible
light shows stars. The same galaxy in infrared reveals dust. In X-rays,
you see hot gas and the active nucleus. In radio, jets from its central
black hole.

Modern astronomy is inherently multi-wavelength. Discoveries
often come from comparing views across the spectrum:

¢ Gamma-ray bursts were mysterious until X-ray and optical after-
glows revealed their host galaxies.

* The cosmic microwave background (radio/microwave) and dis-
tant supernovae (optical/infrared) together proved the universe’s
acceleration.
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¢ Gravitational waves from merging neutron stars were pinpointed
by their electromagnetic counterparts at all wavelengths.

Jansky’s 1932 discovery might have launched radio astronomy immediately, but it didn’t. The Great Depression and
World War 1I intervened. It wasn’t until the late 1940s, using radar technology developed during the war, that radio
astronomy truly began. The first radio surveys discovered quasars, pulsars, and the cosmic microwave background—
phenomena completely invisible to optical telescopes.

There’s a lesson here: new wavelength windows often reveal entirely unexpected phenomena. When the X-ray sky was
first surveyed in the 1960s, no one predicted the rich variety of sources found. The same was true for gamma rays, for
radio, for infrared. The universe is stranger than we imagine, and we only find out how strange when we look in new
ways.

7.10 Looking Ahead

We’ve seen how telescopes for different wavelengths require different
technologies—radio dishes, grazing-incidence X-ray optics, space-
based infrared observatories, coded-mask gamma-ray imagers. But
across all wavelengths, there’s pressure to build bigger: larger collect-
ing areas for sensitivity, longer baselines for resolution.

In the next chapter, we’ll explore how astronomers are building
the largest telescopes ever conceived, overcoming the engineering
challenges of 30-meter mirrors and continent-spanning arrays.



8
Building Large Telescopes

The Hubble Space Telescope, with its 2.4-meter mirror, transformed
astronomy. It gave us the Hubble Deep Field, measured the ex-
pansion rate of the universe, and captured images of breathtaking
beauty. Yet ground-based telescopes now dwarf it—the Keck tele-
scopes have mirrors four times larger, and the Extremely Large Tele-
scope under construction will be sixteen times larger.

How do you build a mirror 39 meters across? The answer involves
a trick: don't try. Instead, build 798 hexagonal segments, each 1.4
meters across, and make them act as one.

8.1 The Scaling Problem

Why are large mirrors hard? Let’s think carefully about what hap-
pens when we scale up a solid glass disk. I'll call the diameter D and
the thickness f. For a given aspect ratio, we keep ¢/D constant as we
scale up.

The mass of the disk is:

D2t

M =p-Volume =p - « D%t (8.1)

If we maintain the same aspect ratio (meaning t « D), then:
M « D? (8.2)

So doubling the diameter multiplies the mass by 8. A 10-meter
mirror at the same proportions as a 1-meter mirror would be 10° =
1000 times heavier.

What about stiffness? The resistance to bending of a disk scales
like D*/L3 where L is the span we're bending over. If we're support-
ing the mirror at a few points around its edge, L ~ D. The stiffness of
the mirror itself scales like:

4

Stiffness o % =D (8.3)

I
1m: 50k
5058 2 m: 400 kg
Figure 8.1: Doubling mirror diameter
while maintaining proportions multi-
plies weight by 8. This quickly becomes
impractical.
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Wait—stiffness grows linearly with D, while mass grows as D3.
That means bigger mirrors are relatively stiffer compared to their
weight, right? So scaling up should be easy?

Not quite. The problem is that both are growing too fast in abso-
lute terms. Let’s work through the actual numbers.

The Weight Problem

The 200-inch Hale Telescope (5.08 m) at Palomar, completed in 1948,
has a primary mirror about 60 cm thick at the edge—an aspect ratio
of about D/t ~ 8.5. Even with a honeycomb core to remove glass
from the back, the mirror weighs about 14.5 tons.

A solid Pyrex disk with those dimensions would weigh about 30
tons. Now scale this to 10 meters while maintaining the same aspect
ratio. The diameter doubles, so the thickness doubles to about 1.2
meters:

3
Mipm = Msm X <51(?8> = 30,000 x 7.6 ~ 230,000 kg (8.4)

That’s 230 tons for a solid blank, or perhaps 100-120 tons with
honeycomb construction. No telescope mount in existence could
smoothly slew a mirror that heavy while maintaining the pointing
precision needed for astronomy.

The Hale Telescope’s entire moving structure weighs about 530
tons. Scaling to 10 meters while maintaining proportions would
require a mount of perhaps 5,000 tons. Physically possible, but eco-
nomically insane.

The Sag Problem

Mass isn’t even the worst problem. A telescope mirror must maintain
its shape to a fraction of a wavelength of light. For visible light with
A = 500 nm, we need surface accuracy of about A /20 ~ 25 nm.

How much does a mirror sag under its own weight? For a circular
plate of radius R and thickness ¢, supported around its edge and
loaded by its own weight, the maximum deflection at the center is
approximately:

R4
o~ B (8:5)

where p is density, g is gravitational acceleration, and E is Young’s
modulus.

Now let’s see how this scales with mirror diameter. With R « D
and fixed aspect ratio (t « D):

S — =D? (8.6)
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The sag grows as the square of the diameter! Double the diameter,
quadruple the sag.

The Thermal Problem

There’s another scaling disaster lurking. A telescope mirror must be
in thermal equilibrium with the night air, or convective plumes rising
from its surface will destroy image quality.
Glass has low thermal conductivity. Heat flows through the mirror
by conduction, with a characteristic time given by:
12

T x 8.7)

where & = k/(pcy) is the thermal diffusivity. This is the classic result
for thermal diffusion: equilibration time scales as the square of the
thickness.

For Pyrex glass with a ~ 6 X 107 m?2/s, a mirror 0.6 m thick:

(0.6)2

_ _ 5~
T_W_6X1O s ~ 7 days (8.8)

This is the time to equilibrate the center of the mirror. The front
surface equilibrates much faster, but even so, the equilibration time is
many hours. The Hale dome is kept at nighttime temperature during
the day for this reason.

Now scale this to 10 meters with fixed aspect ratio. The thickness
doubles, so:

Tiom = Tsm X 4 (8.9)

A mirror that takes 8 hours to equilibrate at 5 meters would take
32 hours at 10 meters. The mirror would never catch up with the
changing night temperature.

The Triple Bind

We’ve identified three independent scaling disasters:

1. Mass: M « D? with fixed aspect ratio
2. Gravitational sag: § < D? with fixed aspect ratio

3. Thermal equilibration time: T « D? with fixed aspect ratio

All three get worse as mirrors get bigger. And they push in con-
flicting directions: making the mirror thinner helps with mass and
thermal time but makes gravitational sag worse.

This is why 5-6 meters seemed like a fundamental limit for decades.
The 200-inch Hale Telescope (5 m) already pushed limits. Its 14.5-ton
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mirror took a year to cool after casting and years more to grind and
polish. Breaking through required not just bigger—it required differ-
ent.

8.2 Escape Route 1: Thin Meniscus Mirrors

Here’s the first clever idea: make the mirror thin. Not a little thinner—
radically thinner. Then accept that it will flex and sag hopelessly, but
use actuators to push it back into shape.

A thin mirror is lighter and reaches thermal equilibrium faster.
The problem is that it flexes. But if you control the flexure with actu-
ators, the flexibility becomes a feature rather than a bug.

Figure 8.2: A thin meniscus mirror is
supported by actuators that push and
pull to adjust its shape, compensating
for gravity and thermal effects.

thin glass

actuator support

The European Southern Observatory’s Very Large Telescope (VLT)
uses four 8.2-meter mirrors, each only 17.5 cm thick. That’s an aspect
ratio of D/t ~ 47, compared to ~ 8 for the Hale. Let’s see what this
buys us.

Mass: A solid disk 8.2 m in diameter and 17.5 cm thick:

nD?*t 7T x (8.2)% x 0.175

4

About 20 tons—actually lighter than the 200-inch Hale (5 m) mirror

= 2230 x

M=p ~ 20,600 kg (8.10)

despite being nearly twice the diameter. The cubic scaling has been
broken by not maintaining the aspect ratio.
Thermal equilibration: With f = 17.5 cm instead of 60 cm:

WLT 0.175
0.60

2
) =~ 0.085 (8.11)
THale

The VLT mirrors equilibrate about 12 times faster than the Hale
would at the same thickness. A few hours instead of most of a day.
Gravitational sag: Here’s where it gets bad. Making the mirror

thinner increases the sag:

1

0 2 (8.12)

Going from 60 cm to 17.5 cm at fixed diameter increases sag by
(60/17.5)? ~ 12 times. And the VLT is also bigger in diameter, which
adds another factor of (8.2/5)* ~ 7.2 times. The raw gravitational sag
of a VLT mirror is roughly 85 times worse than the Hale mirror.



This would be catastrophic with a passive support system. But the
VLT uses active optics: 150 actuators push on the back of each mir-
ror several times per second, maintaining the correct shape despite
gravity, wind, and thermal distortion. The mirror has no intrinsic
stiffness—the actuator system is the structure.

8.3 Escape Route 2: Honeycomb Mirrors

The second approach keeps a thick mirror for stiffness but removes
most of the mass.

Roger Angel at the University of Arizona developed a technique
for casting mirrors with a honeycomb structure. Molten glass is
poured into a mold containing hexagonal pillars. When the glass
solidifies, it forms a thin front surface supported by a honeycomb of
ribs.

Think of it like an I-beam versus a solid bar. An I-beam has most
of its material at the top and bottom surfaces, where it resists bend-
ing most effectively. The web in the middle just keeps the two flanges
apart. A honeycomb mirror is the same principle extended to two
dimensions.

The 8.4-meter mirrors for the Large Binocular Telescope and Giant
Magellan Telescope use this design. The honeycomb is about go cm
thick (substantial!), but the face sheet is only 2.5 cm. Despite their
size, they weigh only about 16 tons each—roughly what a solid 4-
meter mirror would weigh.

The thermal properties are remarkable. Heat flows primarily
through the thin facesheet. With tg, ~ 2.5 cm:

Thoneycomb ( 0.025 ) 2 4
R ~ 8 x 10 8.1
Tsolid 0.9 ( 3)

The honeycomb equilibrates almost 1000 times faster than a solid
blank of the same thickness. In practice, honeycomb mirrors reach
thermal equilibrium in about an hour. The honeycomb also allows
ventilation—air can flow through the cells, further improving thermal
response.

The spinning furnace that casts these mirrors rotates as the glass
melts, giving the natural parabolic shape. This reduces the amount of
glass that must be ground away.

8.4 Escape Route 3: Segmented Mirrors

The most radical solution: don’t build one big mirror at all. Build
many small mirrors and make them work together.
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I 1 face sheet

ribs

L 1 back plate

Figure 8.3: Cross-section of a honey-
comb mirror. The structure is mostly
air, dramatically reducing weight while
maintaining stiffness.
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This is how the Keck Telescopes achieve their 10-meter aperture.
Each primary mirror consists of 36 hexagonal segments, each 1.8
meters across. Why hexagons? They tile a plane with no gaps, like
squares or triangles, but hexagons approximate circles better than
squares and have fewer edges per unit area than triangles. Fewer
edges means fewer gaps where light is lost. Sensors at the segment
edges detect relative misalignment; actuators adjust each segment’s
position several times per second to maintain the parabolic shape.

Figure 8.4: The Keck primary mirror:
36 hexagonal segments forming a

3 mm gaps 10-meter aperture. Each segment is
between seg- independently positioned by actuators;
ments edge sensors maintain alignment to

nanometer precision.

A
v

imom

Each segment is a manageable size—1.8 meters is comparable to
conventional large mirrors, well within the regime where traditional
fabrication techniques work.

But here’s the catch: the segments must work together as a single
optical surface. This means they must be aligned in three ways:

1. Tip and tilt: Each segment must point in exactly the right direc-
tion

2. Piston: Each segment must be at exactly the right height—the
surfaces must form a continuous parabola

3. Position: The segments must be in the right places laterally

The piston requirement is the killer. Think about what happens
when two adjacent segments differ in height by Ah. Light reflecting
from the two segments travels different path lengths—differing by
2Ah (factor of 2 because the light goes to the surface and back). If this
path difference is comparable to a wavelength, the waves from the
two segments will interfere destructively.

For constructive interference, we need 2Ah < A. The usual re-
quirement is Al < A /8. For visible light at 500 nm:

Ah < 62 nm (8.14)

Think about what that means. You have 36 mirrors, each weighing
about a ton, arranged in a structure that rotates to track the sky,



flexing under gravity and buffeted by wind. And you need their
relative heights to stay constant to better than 60 nanometers—about
600 atoms.

The segments are figured to astonishing precision—surface errors
of less than 25 nanometers. But even more impressive is the phasing.
Edge sensors using capacitance measurements detect height differ-
ences of just a few nanometers. The control system adjusts all 36
segments to act as a single coherent mirror.

8.5 Active Optics vs. Adaptive Optics

You'll hear both terms in discussions of modern telescopes. They
sound similar—both involve moving mirrors, both use actuators and
feedback loops—but they fight completely different enemies.

Active optics fights the telescope. It keeps the mirror at its de-
signed shape despite gravity, wind, and temperature changes. These
disturbances are slow—changing over minutes to hours—and pre-
dictable. The VLTI’s 150 actuators adjust the mirror shape at about
1 Hz (once per second), which is more than fast enough.

Adaptive optics fights the atmosphere. Turbulent cells of warm
and cool air drift across the telescope’s line of sight at 10-20 m/s. A
turbulent cell the size of the Fried parameter ry (maybe 20 cm in the
infrared) crosses the aperture in:

70 0.2m

i v N15m/s

~ 13 milliseconds (8.15)

The atmosphere changes in milliseconds. If you want to correct it,
you need to measure the wavefront, compute the correction, and ap-
ply it before the pattern has moved significantly. That means running
the control loop at 500-2000 Hz—three orders of magnitude faster
than active optics.

The number of actuators differs dramatically too. Gravity pro-
duces smooth, low-order deformations—mostly focus and astigma-
tism. A hundred actuators suffice. But the atmosphere produces
structure down to the scale of rg. For an 8-meter aperture with
ro = 20 cm, you need (D/rg)? ~ 1600 actuators to correct the fine
structure.

A modern giant telescope uses both systems. Active optics keeps
the hardware working as designed. Adaptive optics compensates for
the atmosphere, which is beyond the telescope’s control. The two sys-
tems share mathematics (both use control theory, both involve matrix
operations) but their implementations are completely different.
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Property Active Adaptive
Corrects Telescope ~ Atmosphere
Timescale Minutes  Milliseconds
Update rate ~1 Hz 500—2000 Hz
Actuators 10S—100S 100S—10008

Table 8.1: Active vs. adaptive optics: the
fundamental difference is timescale.
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8.6 The ELT Generation Telescope Aperture Segments
T™MT 3om 492
The current frontier is the “Extremely Large Telescope” (ELT) class: GMT 24.5m 7
25—-40 meter apertures. ELT 39 m 798
Three projects are underway: Table 8.2: The three ELT-class telescopes

under development. GMT uses seven

. 8.4-m honeycomb mirrors; the others
1. Giant Magellan Telescope (GMT): Seven 8.4-meter honeycomb use segments.

mirrors arranged like a flower. The outer diameter spans 25.4
meters, with resolving power equivalent to a 24.5-meter filled
aperture. Under construction in Chile.

2. Thirty Meter Telescope (TMT): 492 segments forming a 30-meter
aperture. Planned for Mauna Kea (though facing significant oppo-
sition) or La Palma.

3. European Extremely Large Telescope (ELT): 798 segments form-
ing a 39-meter aperture. Under construction in Chile.

The ELT will collect 13 times more light than any existing tele-
scope. Its diffraction limit at 2 ym will be 0.01 arcseconds—enough to
resolve details on planets around nearby stars.

8.7 Mounting Giants

A 39-meter mirror, even if lightweight, still weighs hundreds of tons.
The mount that points it must be extraordinarily precise yet strong
enough to support this mass and stiff enough to resist wind.

Equatorial Mounts: The Classical Solution

The classical solution is geometrically elegant. Stars appear to rotate
around the celestial pole because Earth rotates around its axis. If you
tilt your telescope’s rotation axis to align with Earth’s axis—pointing
at the North Star, essentially—then tracking becomes trivially simple.

An equatorial mount has two perpendicular axes. The polar axis
(also called the right ascension axis) is tilted to match Earth’s rotation
axis—at an angle equal to your latitude above the horizontal. The
declination axis is perpendicular to the first.

To track a star:

1. Set the declination axis to point at your target’s angular distance
from the celestial equator. Then lock it.

2. Rotate the polar axis at exactly 15 arcseconds per second (one
revolution per sidereal day).



The declination axis doesn’t move during tracking. Only the polar
axis rotates, at a constant rate. A mechanical clock can drive this per-
fectly. No computers, no feedback control, no variable-rate motors.
Just gears turning at a fixed rate.

There’s another advantage: with an equatorial mount, the field
of view doesn’t rotate during tracking. If you take a long exposure,
north stays north in your image. The camera sees the sky as if Earth
weren’t rotating at all.

For three centuries, equatorial mounts dominated astronomy be-
cause they were controllable with the technology available.

Why Equatorial Mounts Fail for Giants

Given these virtues, why doesn’t the ELT use an equatorial mount?

The problem is mechanical. An equatorial mount is fundamentally
asymmetric. The polar axis is tilted. At a mid-latitude observatory,
it might be at 30 or 40 degrees from vertical. The telescope hangs
off this tilted axis, experiencing cantilevered loads. As the telescope
tracks across the sky, these asymmetric loads shift and change.

To counterbalance, you need enormous counterweights—often
heavier than the telescope itself. The 200-inch Hale Telescope (5 m)
at Palomar uses an equatorial mount; its counterweight alone weighs
100 tons. The total moving mass is 530 tons.

Scale this up by a factor of 10 in aperture and you see the problem.

The stresses grow faster than linearly with size, while materials don’t
get stronger. At some point, no reasonable structure can handle the
asymmetric loads. The largest equatorial telescopes are the 5-6 meter
class. Beyond that, a different geometry is required.

Alt-Azimuth Mounts: Symmetry at a Price

Modern giant telescopes use the altitude-azimuth (alt-az) mount:
two perpendicular axes, both vertical and horizontal.

The azimuth axis is vertical. Rotate around it and the telescope
sweeps horizontally. The altitude axis is horizontal. Rotate around it
and the telescope tips up or down.

The mechanical advantage is immediate: symmetry. The structure
is balanced. The weight pushes straight down through the azimuth
bearing. There are no cantilevered loads, no massive counterweights.
The telescope can be compact, fitting inside a smaller dome.

The ELT’s alt-az mount is why a 3,000-ton structure can exist at all.

An equatorial mount of that mass would be unbuildable.
But nature doesn’t give anything for free. With an alt-az mount,
tracking a star requires both axes to move—and not at constant rates.
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to star
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azimuth

Figure 8.5: Alt-az mount: the base ro-
tates horizontally (azimuth, blue), while
the tube tips up and down (altitude,
red). The structure is symmetric and
balanced.
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The tracking rates depend on where the star is:

d7A _q sin A dicz B
dar COS(Pcosa' dar

Qcos¢pcos A (8.16)

where () is Earth’s rotation rate, ¢ is the observatory latitude, A is
azimuth, and 4 is altitude. Near the zenith (¢ — 90), the azimuth
rate diverges—the telescope would need to spin infinitely fast. This is
why alt-az telescopes avoid pointing near directly overhead.

Field Rotation

There’s a worse problem than variable tracking rates. With an alt-az
mount, the field of view rotates as you track.
The field rotation rate is:

cos ¢
cosa

Weield = (2 (8.17)

For a mid-latitude site like Cerro Paranal (24.6Af S), at moderate
altitude (@ = 45), the field rotation rate is about 19 arcseconds per
second. Over a one-hour exposure, the field rotates by about 19 de-
grees. Without compensation, point sources near the edge of the field
would be smeared into 19-degree arcs.

The solution is a field derotator—a rotating platform between the
telescope and the camera that spins opposite to the field rotation.
Modern systems use computer control and feedback from guide stars
to maintain precise orientation.

Hydrostatic Bearings

Moving 3,000 tons smoothly requires eliminating friction. Conven-
tional bearings would stick and slip. The solution: float the telescope
on a thin film of pressurized oil.

In a hydrostatic bearing, oil is pumped at high pressure into the
gap between the moving and stationary surfaces. The pressure cre-
ates a thin film (typically a fraction of a millimeter) that separates the
surfaces completely. Metal never touches metal.

The friction comes only from the viscosity of the oil film, which is
negligible for slow motions. A 3,000-ton structure can be rotated with
motors producing only a few kilowatts. The remarkable thing is that
this bearing has essentially zero stiction—no static friction to over-
come when starting to move. The telescope can track continuously
with microarcsecond smoothness.

The ELT’s entire moving structure weighs about 3,000 tons. De-
spite this mass, it must point with arcsecond precision and track
smoothly as Earth rotates.
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8.8 Site and Infrastructure

Building a giant telescope requires more than the telescope itself:

* Site preparation: Leveling a mountaintop, building roads capable
of handling massive components.

¢ Enclosure: A dome or enclosure that protects the telescope by day
and opens fully at night without creating turbulence. The ELT’s
dome will be about 8o meters tall and 93 meters in diameter.

¢ Cooling systems: Keeping the mirror and dome at nighttime
temperature to avoid convective plumes.

® Vibration isolation: Decoupling the telescope from pumps, air
conditioning, and even footsteps.

* Data infrastructure: Modern telescopes produce terabytes per
night. Fast networks and massive storage are essential.

8.9  The Economics of Giants

The ELT is projected to cost roughly 1.3 billion euros. The GMT and
TMT are in the same range. These are enormous sums, but consider
what you get:

Light-gathering area about 250 times greater than Hubble.

Resolution (with adaptive optics) 10-15 times better than Hubble.

Lifetime of 30+ years with upgradeable instruments.

Cost per year of operation comparable to a single space mission.

A note on the Hubble comparison: The ELT’s 39-meter aperture gives it
about 250 x more collecting area than Hubble’s 2.4-meter mirror—
that’s the factor of (39/2.4)2. Claims of “million times more sensi-
tive” sometimes appear in the press; the additional factors come from
longer exposure times (ground telescopes can integrate for hours)
and broader wavelength coverage. The raw area advantage is a factor
of 250, which is remarkable but not miraculous.

Space telescopes like JWST cost more ($10 billion for JWST) and
can’t be serviced. Ground-based giants offer extraordinary value if
you can live with atmospheric limitations.
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8.10 What Giants Will Do

The ELT generation will tackle questions we can barely address to-
day:

1. Exoplanet atmospheres: Spectroscopy of Earth-like planets
around nearby stars. Detection of biosignatures like oxygen and
methane.

2. First light: Directly imaging the first stars and galaxies to form
after the Big Bang.

3. Dark energy: Measuring the acceleration of the universe with
unprecedented precision.

4. Black hole physics: Resolving the environments of supermassive
black holes in other galaxies.

5. Surprises: Every major new facility has discovered phenomena no
one predicted.

The progression of telescope apertures follows a rough doubling every 40
years: the 2.5-meter Hooker Telescope (1917), the 200-inch Hale Telescope
(5 m, 1948), the 10-meter Keck (1993), and now the 39-meter ELT (projected
2029). Each jump opened new science.

Will this continue? A 100-meter telescope isn't impossible—designs have
been sketched. Segmentation scales polynomially, not exponentially. The
ELT has about 8oo segments; a 100-meter telescope might need 4,000—
5,000. That's a lot, but not fundamentally different. The practical limits are
probably economic, not physical.

What's certain is that the universe still has secrets worth building billion-
euro machines to uncover.

8.11 Looking Ahead

We’ve traced the telescope from Galileo’s 37-millimeter lens to 39-
meter segmented giants. Light-gathering power has increased a mil-
lionfold; resolution has improved a thousandfold.

But for all this progress, there are things we cannot see. Some
are hard for technological reasons we might overcome. Others are
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limited by fundamental physics. In the final chapter, we’ll explore
what remains beyond our reach and ask what, if anything, could
extend our vision further.






9
The Remaining Frontiers

With all our technology—space telescopes, adaptive optics, radio
interferometers spanning Earth—there are things we cannot see and
may never see. We can detect the gravitational influence of dark
matter but not image it directly. We can infer properties of exoplanet
atmospheres but rarely photograph the planets themselves. We can
see back to 380,000 years after the Big Bang, but not before.

What determines the ultimate limits of astronomical observation?
And are those limits fundamental, or merely technological challenges
awaiting clever solutions?

9.1 Fundamental Limits

Some limits come from physics itself, not from engineering:

Photon noise: Light comes in discrete packets. When you observe
a faint source, you count individual photons. The uncertainty in
that count—at least v/N for N photons—sets a fundamental limit on
precision. More collecting area helps; nothing else does.

Diffraction: Waves spread around obstacles. Resolution is fun-
damentally limited by A/D. You can beat this only with shorter
wavelengths or larger apertures.

Cosmic backgrounds: The sky isn’t truly dark, even from deep
space. Every direction glows with light from dust, stars, and the early
universe. Understanding these backgrounds—and why they’re often
irreducible—is essential for understanding what we can and cannot
detect.

Confusion: In crowded fields, sources overlap. When the den-
sity of objects exceeds about one per resolution element, you can’t
separate them no matter how good your telescope.
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9.2 Why Space Isn’t Black

You might think that escaping Earth’s atmosphere solves the back-
ground problem. On Earth, scattered sunlight and airglow make the
sky bright. In space, with no atmosphere, the sky should be black.

But it isn’t. Let me work through the sources of this cosmic glow,
wavelength by wavelength.

Zodiacal Light: Sunlight Off Dust

The inner solar system contains a diffuse cloud of dust grains—
debris from comets and asteroid collisions. These grains orbit the
Sun, concentrated in the plane of the planets. When sunlight hits
them, they scatter it in all directions. Some of that scattered light
reaches your telescope.

This is zodiacal light. At visible wavelengths, it’s the domi-
nant background even from space. At the ecliptic poles, where the
dust column is thinnest, zodiacal light is about 22—-23 magnitudes
per square arcsecond. Toward the ecliptic plane, it brightens to 21
mag/arcsec? or more.

What does this mean in practice? The Hubble Deep Field detected
galaxies at 28th magnitude, with surface brightness around 25-26
mag/ arcsec’—fainter than the zodiacal background by factors of
10-100. We detect them by integrating for a long time and carefully
subtracting the background.

At longer wavelengths (1-10 um), the zodiacal emission shifts
from scattered sunlight to thermal radiation. Those dust grains are
warm—a few hundred Kelvin near Earth’s orbit—and they radiate as
approximate blackbodies, peaking around 10-20 um.

Galactic Cirrus: Our Own Galaxy’s Glow

The Milky Way contains cold dust at 1520 K hiding in the inter-
stellar medium. This dust glows in the far-infrared, peaking around
100—200 pm.

Unlike zodiacal light, which is smooth and predictable, galactic
cirrus is patchy. It traces the structure of interstellar gas, forming
filaments and wisps. In the cleanest directions, cirrus contributes
about 1 MJy/sr at 100 um. In the galactic plane, it can be 100 times
brighter.

Far-infrared astronomers spend enormous effort modeling and
subtracting cirrus. But small-scale structure below the resolution of
mapping missions still causes trouble.
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The Cosmic Infrared Background

Now we reach something truly cosmic.

Add up all the starlight ever emitted by all the galaxies in the
universe. Much of it comes from dusty, star-forming galaxies at high
redshift. The dust absorbs ultraviolet and optical light from young
stars, heats up, and re-radiates in the infrared. Cosmic expansion
redshifts this emission to even longer wavelengths.

The result is the Cosmic Infrared Background (CIB)—a diffuse
glow from the accumulated light of all galaxies throughout cosmic
history. The CIB peaks around 100—200 um, contributing roughly 10—
30 nW/m? /sr—comparable to the total integrated starlight from all
resolved galaxies at optical wavelengths.

In the far-infrared, the CIB sets a fundamental floor. You cannot
escape it by going to a cleaner part of the sky or a better orbit. It’s
everywhere, coming from everywhere in the universe.

Reducible vs. Irreducible Backgrounds

Let me categorize these backgrounds:
Reducible in principle:

¢ Zodiacal light: Go far from the Sun. A telescope at 5 AU would
see 25 times less zodiacal emission.

¢ Galactic cirrus: Look through clean windows. In the cleanest direc-
tions, cirrus is 100 times fainter than average.

Irreducible:

e Cosmic Infrared Background: It's everywhere. You can try to
resolve it into individual galaxies, but there’s always something
fainter.

¢ Cosmic Microwave Background: It's thermal radiation from the
early universe. The only way past it is to use different messengers.

Even perfect background subtraction leaves photon noise—if you
collected N background photons, the noise is v/ N, and no subtraction
removes that.
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9.3 The Contrast Problem

Perhaps the most frustrating limitation is contrast. Many things we

want to see are hidden by much brighter neighbors. star: 1019x brighter
Consider directly imaging an Earth-like planet around a Sun-like Figure 9.1: The contrast problem: an
star: Earth-like planet is about ten billion

times fainter than its host star and sep-
arated by less than an arcsecond. The
star’s diffraction pattern overwhelms

the planet.
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* The star is about 10'? times brighter than the planet at visible
wavelengths.

* At 10 parsecs distance, the separation is about 0.1 arcseconds.
e The star’s diffraction pattern extends well beyond this separation.

Even a perfect telescope produces a diffraction pattern. A point
source doesn’t focus to a perfect point—it spreads into an Airy pat-
tern with rings extending outward. At o.1 arcseconds from a well-
corrected optical system, you might suppress the star’s light by a
factor of 10°. That’s impressive. But the planet is 10'° times fainter.
The star’s residual diffraction light is still 10* times brighter than the
planet.

The planet drowns in the glare.

Current adaptive optics systems achieve contrasts of about 107 at
separations of 0.5 arcseconds. We need four more orders of magni-
tude, at smaller separations.

You might say, “Then it’s impossible. Ten billion times fainter is
an absurd requirement.” And yet astronomers are trying anyway.
Sometimes progress means pursuing what seems absurd until it
becomes routine.

9.4 Coronagraphy: The Basic Idea

One approach is to block the starlight. A coronagraph places an
obscuring disk at an image of the star, blocking its core while letting
light from nearby planets pass.

The idea goes back to Bernard Lyot in the 1930s, who built an
artificial eclipse inside a telescope—an opaque disk at the image
plane, blocking the Sun’s disk while letting the corona’s light pass.
Can we do the same for exoplanets?

Here’s the problem. When you put an opaque disk at the focal
plane, light diffracts around the edge. This is unavoidable—it’s a
consequence of the wave nature of light. The edge of the mask acts
like a new source, scattering light into the region you wanted to keep
dark.

At a sharp edge, Fresnel diffraction produces oscillating intensity
patterns that decay as roughly 1/6? with angle from the edge. That’s
not fast enough. You need to suppress light by 10'%, and diffraction
from a simple mask won’t get you there.

9.5 The Lyot Stop: Why It Works

Lyot’s insight was genuinely clever. Let me explain it in Fourier op-
tics terms.

»

» -€

Y —HR 8799
»

Figure 9.2: One of the first directly
imaged exoplanet systems: HR 8799,
with four giant planets orbiting a
young star 133 light-years away. The
star’s light has been blocked by a
coronagraph; the four dots are planets,
each several times Jupiter’s mass. This
required extreme adaptive optics and
contrast ratios of 10~°—still far short
of what’s needed to image Earth-like
planets.
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Consider what happens optically. Light from the star enters the
telescope aperture, passes through, and forms an image. At the im-
age plane, you put your occulting mask—an opaque spot centered on
the star. The mask blocks the core of the star’s image.

But here’s the key: the light that diffracts around the mask edge
has a special property. It comes from specific parts of the original
wavefront.

When the starlight passes through the telescope aperture, it’s
truncated—the aperture has a sharp edge. This truncation causes the
star’s Airy pattern in the first place. Now, when you block the central
part of that Airy pattern with a mask, the light that diffracts around
the mask edge “knows about” the original aperture edges.

In Fourier optics terms: the occulting mask acts as a high-pass fil-
ter in the image plane. It removes the low spatial frequencies (the
broad central peak) and leaves the high spatial frequencies (the
rings). When you Fourier transform these high frequencies back to
the pupil plane, they correspond to light concentrated at the edges of
the original aperture.
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Lyot stop Figure 9.3: Coronagraph optical path:

lanet
Pefar | blocks

aperture

at the pupil edges. The Lyot stop—
a slightly undersized aperture at a

mask | edges

reimaged pupil plane—blocks these

starlight focuses onto the mask and is
planet blocked. Light diffracting around the
(no star) mask edge (dashed red) concentrates

The solution follows naturally. Put a second aperture after the bright edges. Planet light, arriving at
. . . . . a slight angle, focuses above the mask
image plane—at a reimaged pupil—that is slightly smaller than the and passes through with minimal loss.

original aperture. This Lyot stop blocks the edges of the pupil where
the diffracted light concentrates.

The result: much of the starlight’s diffracted component is re-
moved. The planet light, coming from a slightly different angle, fo-
cuses to a different spot at the first image plane. It misses the occult-
ing mask and passes through. At the Lyot stop, the planet light fills
the whole pupil (not concentrated at edges), so only a small fraction
is blocked.

You've selectively removed starlight while preserving most of the
planet light.

A basic Lyot coronagraph might achieve 103 or 10* contrast im-
provement. That’s helpful but not enough for 101°.

9.6 Modern Coronagraph Designs

Modern coronagraphs use several tricks to reach deeper contrasts:
Shaped pupils: Instead of a circular aperture followed by a cir-
cular mask, use specially designed aperture shapes that minimize
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diffraction into the planet search region. Some designs have complex,
barcode-like pupil patterns optimized numerically.

Apodized masks: Instead of a hard-edged occulting mask, use a
mask whose transmission varies gradually from o at center to 1 at
the edge. This “softens” the edge, reducing diffraction. The optimal
profiles are designed to null the Airy pattern over a specific angular
range.

Band-limited masks: A clever idea from Kuchner and Traub. If
the mask’s transmission function has a Fourier transform that is
zero outside a finite region, then (by the convolution theorem) the
diffracted light is confined to specific parts of the pupil plane. You
can design the Lyot stop to block exactly those regions.

Vortex coronagraphs: Use a spiral phase mask at the image
plane—a transparent element that adds a phase twist of 27t around
the optical axis. For on-axis starlight, this phase vortex causes de-
structive interference in the subsequent pupil plane: the light diffracts
entirely outside the geometric pupil boundary. An appropriately
sized Lyot stop blocks it completely. Off-axis light (from planets)
doesn’t experience the full vortex and passes through. The vortex
coronagraph is particularly elegant because, in principle, it can reject
all the on-axis starlight with perfect throughput for planets.

Active wavefront control: Real optical systems have aberrations—
imperfect mirror shapes, alignment errors, dust. These scatter starlight
into the search region. Modern coronagraphs use deformable mirrors
with thousands of actuators to correct these aberrations in real time,
sometimes creating “dark holes” in specific regions of the image
where scattered light is suppressed by interference.

With these techniques, laboratory demonstrations have achieved
1077 or even 10710 contrast at small angular separations. The tech-
nology exists. The main remaining challenge is maintaining this
performance in space, where thermal drifts and mechanical settling
can undo the careful wavefront control.

9.7 Starshades: Moving the Mask Far Away

An even more ambitious idea: put the occulting mask not inside the
telescope, but tens of thousands of kilometers away.

A starshade is a large, flower-shaped screen that flies in formation
with a space telescope. Its specially-designed petals create a very
deep shadow. The telescope, sitting in this shadow, sees the star’s

light blocked while planetary light passes around the edge.

~50,000 km

Why would you do this? Because it solves the diffraction problem
Figure 9.4: A starshade creates a deep

. shadow. The petal shape minimizes
In a coronagraph, the mask is near the focal plane. The character- diffraction. The telescope observes from

within the shadow.

in a fundamentally different way.
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istic diffraction scale is set by the wavelength divided by the mask
size—typically micrometers to millimeters. At such small scales,
achieving 1071 suppression requires exquisite precision.

But if the mask is 50,000 km away, the relevant length scales

change completely. The Fresnel zone size is:
e = VAz (9.1)

where z is the distance to the mask. For A = 500 nm and z = 50,000
km:

rr = V5 x 107 x 5 x 1010 ~ 5 meters (9.2)

The characteristic diffraction scale is meters, not micrometers. You
can manipulate the diffraction pattern using a structure that’s tens of
meters across. Machining errors of millimeters—not nanometers—are
tolerable.

9.8 Why Petals? The Apodization Problem

A circular disk 50,000 km away won’t work. Consider a sharp-edged
circular occulter. Light diffracts from the edge. The resulting pattern
at the telescope is Fresnel diffraction from a circular aperture, which
has bright and dark rings—including the famous Arago spot, a bright
point at the very center of the shadow.

Yes, at the center of the shadow of a circular disk, there’s a bright
spot. Fresnel discovered this theoretically; Arago demonstrated it
experimentally. Beautiful physics, but disastrous for our purpose.

More generally, sharp edges produce oscillating Fresnel patterns.
The intensity cycles through bright and dark as you move in from the
edge. You can’t reliably sit in a deep minimum.

The solution: apodization. Instead of a sharp edge, create a
smooth transition from fully opaque to fully transparent. This elimi-
nates the oscillations.

An apodized circular mask would have transmission that varies
radially: zero at center, increasing smoothly to one at the edge. But
building a radially-varying-transmission mask at 50-meter scale is
impractical.

Here’s the clever part. You can approximate smooth radial apodiza-
tion using a flower-petal shape.

At any radius r from the center, the fraction of the circle that’s
blocked is determined by the petal shape. Wide petals block more;
narrow gaps block less. By shaping the petals appropriately, you can
make the azimuthally-averaged transmission vary smoothly from o at
center to 1 at the edge.

If you want the azimuthally-averaged transmission at radius 7 to
be T(r), then the fraction of the circumference that’s transparent (not
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> 1 >

a

desired profile

petal shape

blocked by petals) must equal T(r). For N petals, each petal at radius
r must subtend an angle () such that:

1-N-0(r)/(2m) = T(r) (9:3)

This gives you the petal edge shape: 6 = 27(1 — T(r))/N. Wide
petals at small r where T(r) ~ 0; narrow petals at large r where
T(r) = 1. The result is the distinctive flower shape with curved petals
that narrow to points.

The optimal apodization profile turns out to be related to pro-
late spheroidal functions. For practical starshade design, a common
choice is a hypergaussian profile:

0 r<a

T p—
=11 marer 5,

(9-4)

where a is the inner radius, b controls the transition width, and n
controls the steepness.

With proper apodization, the shadow intensity suppression can
reach S ~ 10710 or better at the telescope location—ten billion times
darker than the unobscured star.

9.9 Is Starshade Engineering Actually Feasible?

Let me address the skepticism head-on. This sounds like science
fiction:

¢ A so-meter structure in space
¢ Maintaining shape to millimeter precision
¢ Flying in formation with another spacecraft 50,000 km away

¢ Aligning to meter precision over that distance

Figure 9.5: The petal shape creates

an effective radial apodization. The
azimuthally-averaged transmission

at radius r equals the desired smooth
profile T(r). Curved petals that narrow
to points produce the gradual transition
that eliminates diffraction oscillations.



THE REMAINING FRONTIERS

Can it actually be done?

The 50-meter structure: Large structures have been deployed
in space. JWST’s sunshield is 22 meters across. Going to 50 meters
uses the same principles: foldable booms, tensioned membranes.
NASA has built and tested 20-meter starshade prototypes that unfold
correctly.

Millimeter shape precision: This is about the petal edges, not the
overall structure. The petals can be rigid, precision-machined panels
attached to a deployable frame. Ground tests have demonstrated the
required shape stability.

Formation flying over 50,000 km: This sounds absurd until you re-
alize we do something similar with GPS satellites. “Meter precision”
means knowing the relative position to meter accuracy, not main-
taining it passively. With thrusters and a feedback system, you can
station-keep the starshade in the shadow zone.

Alignment: The telescope detects if it’s drifting out of the shadow
(the star’s light starts to leak around the edge) and signals the star-
shade to adjust.

The real challenge is fuel. Every time you retarget to a new star,
you slew the starshade through thousands of kilometers. Solar-
electric propulsion gives high specific impulse (efficient use of pro-
pellant), and you can design observation sequences to minimize
slews.

The bottom line: Nothing here requires new physics or new tech-
nology. It’s expensive and complex, but not magical.

9.10 Coronagraphs vs. Starshades

When would you use each?
Coronagraph advantages:

¢ Single spacecraft (no formation flying)

e Can quickly switch between targets

* More forgiving of imperfect knowledge of star position
Starshade advantages:

e Extremely deep suppression (1017) is “easier”

® Less sensitive to telescope imperfections

* Works over broader wavelength range simultaneously

For comprehensive surveys of hundreds of stars, a coronagraph
on a large space telescope is likely more efficient. For deep, high-
contrast observations of promising targets—looking for biosignatures
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in the atmospheres of known rocky planets—a starshade might be
the only way to reach the required contrast.
They’re complementary tools.

9.11 The Cosmic Microwave Background as a Wall

Look far enough into space and you look back in time. Light from
a galaxy a billion light-years away left a billion years ago. The most
distant objects we see are over 13 billion light-years away, their light
emitted when the universe was young.

But there’s a limit: 380,000 years after the Big Bang.

Before that time, the universe was a plasma—a hot soup of pro-
tons, electrons, and photons. Photons couldn’t travel far before scat-
tering off electrons. The universe was opaque.

Then the universe cooled enough for atoms to form. Suddenly it
became transparent. The photons released at that moment have been

traveling ever since, redshifted by cosmic expansion into microwaves.

This is the cosmic microwave background (CMB)—the oldest light
we can ever see.

At millimeter wavelengths, the CMB is overwhelmingly bright—
about 300 MJy/sr at 1 mm. Nothing else comes close. It’s a nearly

perfect blackbody at 2.725 K, measured to parts per million precision.

The CMB has been exquisitely characterized, revealing the ge-
ometry and composition of the early universe. But it also means the
CMB is a nearly perfect foreground for anything behind it. Look-
ing through the CMB with electromagnetic radiation is like looking
through a wall.

We cannot see the Big Bang itself. We cannot see the first few
hundred thousand years. Electromagnetic observations have a hard
limit in time.

9.12  Neutrino and Gravitational Wave Astronomy

But light isn’t the only messenger.

Neutrinos barely interact with matter. They escaped the early
universe when it was only one second old—far earlier than photons.
A cosmic neutrino background exists, analogous to the CMB, but
at far lower energies and nearly impossible to detect with current
technology.

Gravitational waves travel through matter without absorption.

They could, in principle, carry information from the very earliest mo-

ments of the universe—inflation, phase transitions, even the Planck
era.
LIGO and Virgo have already detected gravitational waves from

Big Bang
380,000 yrtransparent
——IAAAAAAAY time
CMB photons
Figure 9.6: The CMB marks the “surface
of last scattering.” Before 380,000 years,

the universe was opaque—we cannot
see earlier with light.



merging black holes and neutron stars. Future detectors like LISA (a
space-based interferometer) will be sensitive to different frequencies
and sources. Pulsar timing arrays might detect the gravitational
wave background from millions of merging supermassive black holes
throughout the universe.

These new “windows” on the universe are just opening. What
they’ll reveal, we can only guess.

9.13 Dark Matter: The Invisible Scaffolding

About 27% of the universe is dark matter—something that gravitates
but doesn’t emit or absorb light. We see its effects everywhere:

e Galaxies rotate too fast for their visible mass to hold them to-
gether.

¢ Galaxy clusters bend light more than their visible matter can ex-
plain.

® The large-scale structure of the universe requires dark matter to
seed the formation of galaxies.

Yet we cannot “see” dark matter directly. It doesn’t emit light at
any wavelength. We can map its distribution through gravitational
lensing—the bending of light from background galaxies—but that’s
an indirect inference, not an image.

If dark matter is made of particles, they might occasionally interact
with ordinary matter in detectors deep underground. Or they might
annihilate and produce gamma rays. But so far, all direct detection
efforts have come up empty.

Dark matter remains invisible in the literal sense: we know it’s
there, but we cannot see it.

You might say, “Maybe it doesn’t exist. Maybe gravity just works
differently at galactic scales.” Physicists have tried this (it’s called
MOND—Modified Newtonian Dynamics). The problem is that dark
matter’s effects are too varied and specific. It’s needed at galactic
scales, cluster scales, cosmological scales, all in different amounts that
happen to match a consistent picture of invisible mass. Modifying
gravity to explain all this requires tortured epicycles that don’t hold
up. The invisible stuff is almost certainly real.

9.14 Dark Energy: The Accelerating Void

Even stranger is dark energy—roughly 68% of the universe’s content.
Unlike dark matter, which clumps and gravitates, dark energy is
spread uniformly through space and drives accelerating expansion.
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Figure 9.7: Galaxy rotation curves.
Stars orbit faster than visible matter
can explain. Dark matter provides the
missing gravity.
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We can’t see dark energy at all. We infer its existence from the
way distant supernovae appear fainter than expected, and from the
geometry of the CMB. It’s not dark matter with different properties;
it’s something else entirely, perhaps a property of space itself.

Understanding dark energy may require new physics beyond
anything telescopes can probe.

9.15 Before the Big Bang?

What happened before the Big Bang? The question may not even be
meaningful—time itself may have begun at the Big Bang. But some
theories suggest our universe emerged from a previous state, or is
one of many universes in a “multiverse.”

These ideas are currently untestable. No telescope, however large,
can see outside our observable universe or before the beginning of
time as we know it.

9.16 What Might We Yet See?

Not all limits are fundamental. Some are technological challenges
that might yield to future breakthroughs:

¢ Direct imaging of exo-Earths: Starshades or extreme corona-
graphs could achieve 10710 contrast, revealing Earth-like planets.

¢ 21-cm cosmology: Radio observations of neutral hydrogen could
map the universe before the first stars, between the CMB and the
epoch of reionization.

¢ Gravitational wave memory: Sufficiently sensitive detectors might
detect the permanent distortion of spacetime from past gravita-
tional wave events.

¢ Neutrino astronomy: MeV-scale detectors might someday detect
the cosmic neutrino background, seeing back to one second after
the Big Bang.

9.17 A Closing Thought

Four centuries ago, Galileo pointed a crude tube at the sky and discovered that Jupiter had moons. What he saw was
blurred and colored, but it changed everything. Since then, we've built telescopes a million times more powerful,
probed wavelengths Galileo couldn’t imagine, and discovered a universe vaster and stranger than anyone suspected.
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Yet for all this progress, we see only a fraction of what exists. Most of the universe—dark matter, dark energy—is
invisible to us. The first moments after the Big Bang are hidden behind an opaque wall of plasma. The interiors of
neutron stars, the singularities of black holes, the possibly infinite extent of space beyond our horizon: all remain
unseen.

Perhaps that’s fitting. Every time we thought we understood the universe’s scale and nature, new observations proved
us wrong. The things we cannot yet see aren’t failures of imagination—they’re the next problems to solve.

Four hundred years of telescope building, and we’ve gone from “Jupiter has moons” to “we can photograph planets
around other stars, if we’re clever enough.” The unsolved problems are harder now. But that’s what makes them

interesting.
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